
Lecture VI 
The chemistry of the Universe!



Big Bang Nucleosynthesis Basics

When the Universe is hot enough, equilibrium between 
protons and neutrons is maintained by the reactions:
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7.2 Neutron-proton ratio

What can we say about np and nn? Protons and neutrons are converted into each
other in the weak reactions

n + νe ↔ p + e−

n + e+ ↔ p + ν̄e (10)

n ↔ p + e− + ν̄e.

If these reactions are in equilibrium, µn + µνe = µp + µe, and the neutron/proton
ratio is

nn

np
≡

n

p
= e−Q/T+(µe−µνe )/T , (11)

where Q ≡ mn − mp = 1.293 MeV.
We need now some estimate for the chemical potentials of electrons and electron

neutrinos. The universe is electrically neutral, so the number of electrons (or ne− −
ne+) equals the number of protons, and µe can be calculated exactly in terms of
η and T . We leave the exact calculation as an exercise, but give below a rough
estimate for the ultrarelativistic limit (T > me):

In the ultrarelativistic limit
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Here n∗

p includes the protons inside nuclei. Since η is small, µ ≪ T , and we can drop
the (µ/T )3 term to get

µe

T
≈

6

π2
ζ(3)η. (13)

Thus µe/T ∼ η ∼ 10−9. The nonrelativistic limit can be done in a similar manner.
It turns out that µe rises as T falls, and somewhere between T = 30 keV and
T = 10 keV µe becomes larger than T , and, in fact, comparable to me.

For T ! 30 keV, µe ≪ T , and we can drop the µe in Eq. (11).
Since we cannot detect the cosmic neutrino background, we don’t know the

neutrino chemical potentials. Usually it is assumed that also µν ≪ T , so that the
difference in the number of neutrinos and antineutrinos is small. Thus we ignore
both µe and µν and get that the equilibrium neutron/proton ratio is

n

p
= e−Q/T . (14)

(This is not valid for T " 30 keV, since µe is no longer small, but we shall use this
formula only at higher temperatures as will be seen below.)

Thus we can express the number densities of all nuclei in terms of the free proton
number density np, as long as chemical equilibrium holds.

7.3 Bottlenecks

We define the mass fraction of nucleus i as

Xi ≡
Aini

nB
. (15)

As the Universe cools, protons become favoured over 
neutrons because they are lighter. The equilibrium ratio is:

At t ~ 1s after the Big Bang, T ~ 1010 K, and nuclear reaction rates 
become too slow to maintain equilibrium. If we plug in T=1010 K, nn/
np~0.2. Thereafter, no new neutrons are formed, and existing ones 

decay with half life of ~10 minutes.
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The first three minutes of the Universe

The deuterium forming reaction:
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Since
nB =

!

i

Aini, (16)

(where the sum includes protons and neutrons), we have
"

Xi = 1.
Using also the normalization condition,1 Eq. (16), or

"

i Xi = 1, we get all
equilibrium abundances as a function of T (they also depend on the value of the
parameter η). There are two items to note, however:

1. The normalization condition, Eq. (16), includes all nuclei up to uranium etc.
Thus we would get a huge polynomial equation from which to solve Xp.

2. In practice we don’t have to care about the first item, since as the tempera-
ture falls the nuclei no longer follow their equilibrium abundances. The reac-
tions are in equilibrium only at high temperatures, when the other equilibrium
abundances except Xp and Xn are small, and we can use the approximation
Xn + Xp = 1.

In the early universe the baryon density is too low and the time available is
too short for reactions involving three or more incoming nuclei to occur in any
appreciable rate. The heavier nuclei have to be built sequentially from lighter nuclei
in two-particle reactions, so that deuterium is formed first in the reaction

n + p → d + γ.

Only when deuterons are available can helium nuclei be formed, and so on. This
process has “bottlenecks”: the lack of sufficient densities of lighter nuclei hinders
the production of heavier nuclei, and prevents them from following their equilibrium
abundances.

As the temperature falls, the equilibrium abundances rise fast. They become
large later for nuclei with small binding energies. Since deuterium is formed directly
from neutrons and protons it can follow its equilibrium abundance as long as there
are large numbers of free neutrons available. Since the deuterium binding energy is
rather small, the deuterium abundance becomes large rather late (at T < 100 keV).
Therefore heavier nuclei with larger binding energies, whose equilibrium abundances
would become large earlier, cannot be formed. This is the deuterium bottleneck.
Only when there is lots of deuterium (Xd ∼ 10−3), can helium be produced in large
numbers.

The nuclei are positively charged and there is thus an electromagnetic repulsion
between them. The nuclei need thus large kinetic energies to overcome this Coulomb
barrier and get within the range of the strong interaction. Thus the cross sections
for these fusion reactions fall rapidly with energy and the nuclear reactions are “shut
off” when the temperature falls below T ∼ 30 keV. Thus there is less than one hour
available for nucleosynthesis. Because of additional bottlenecks (e.g., there are no
stable nuclei with A = 8) and the short time available, only very small amounts of
elements heavier than helium are formed.

1For np and nn we know just their ratio, since we do not know µp and µn, only that µp = µn.
Therefore this extra equation is needed to solve all ni.

is initially suppressed by the high photon to baryon ratio (a sufficient 
number of high energy photons exist that can photo dissociate d.) 

Deuterium can start to form when the temperature drops below 8x108K (3 
minutes after the Big Bang). By now, a fraction of the neutrons has 

decayed, so nn/np~0.14. If then all of these neutrons end up in 4He, the 
mass fraction of baryons in 4He is
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Big Bang Nucleosynthesis calculations predict that after the first three 
minutes of the Universe, 75% of the baryonic mass is in H and 25% in 4He, 

with trace amounts of D, 3He, 7Li. 
Heavier nuclei cannot form because no stable nucleus of mass 5 (H+4He) 

or 8 (4He+4He) exists, and collisions between three nuclei are rare.



(1) the density of baryons  
the larger the baryon to photon ratio, the earlier deuterium can form, i.e. 

fewer neutrons decay. 4He to H ratio increases. 
!

(2) the number of neutrino flavours 
the higher the number of relativistic species, the faster the temperature 

cools down to 8x108K, also leaving less time for D to decay  
(thus, larger 4He ratio).

Detailed calculations of primordial nucleosynthesis depend upon:



Measuring the primordial composition of the Universe: 4He

measure the gas phase abundance of 4He in metal poor extragalactic 
H II regions and extrapolate to zero metallicity.	
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FIG. 1.ÈComparison of the calculations of the collisionally excited
emission to recombination emission rates (C/R) for four He I recombi-
nation lines using the formulae of (based on the recombi-Clegg (1987)
nation emissivities of and the collisional rate coefficientsBrocklehurst 1972
of & Kingston and & Ferland (based onBerrington 1987) Kingdon (1995)
the recombination emissivities of and the collisional rate coeffi-Smits 1996
cients of & Berrington The calculations were carried out forSawey 1993).
an electron density of 100, which is appropriate for most low-metallicity
H II regions. The large di†erence seen for the j7065 line arises mostly
because Clegg used the recombination coefficients from Brocklehurst

which, for j7065, have been shown to be in error by Smits(1972), (1991a,
For comparison, we have recalculated the C/R ratio for j70651991b).

using the collisional rate coefficients of & Kingston andBerrington (1987)
the recombination coefficients of (labeled ““ corrected ÏÏ). ThisSmits (1996)
plot shows that the collisional rates for these He I lines changed very little
with the new data of & Berrington as emphasized bySawey (1993)

& FerlandKingdon (1995).

this di†erence is traceable to the B1% di†erences between
the and collision strengths, which, however, lead toKF C87
no signiÐcant di†erence (i.e., when evaluate[0.2%) ITL Y

Pusing or (see Table 7 of Within theS96/KF S96/C87 ITL).
uncertainties, II). This agreementY (S96/KF) \ Y (B72/S
suggests that the analyses of and of have not beenPSTE S
biased by their reliance on and that their results usingB72,

II should be directly comparable to those ofB72/C87/S ITL.
In contrast, found from linear regressions of Y onITL

O/H using their own data Y
P
(S96/KF) \ 0.243^ 0.004,

whereas using and data, foundOS, PSTE S Y
P
(B72/S

II) \ 0.232^ 0.003. Given the relatively small statistical
uncertainties such a large di†erence suggests an inconsis-
tency between and on the one hand and on thePSTE S ITL
other. Some have interpreted this apparent discrepancy as
an indicator of the true size of the systematic uncertainties
in determinations and have embraced the largerY

P
ITL

values as a better probe of apparently believe theY
P
. ITL

inconsistency is real and they claim it is traceable to the use
by and of the older emissivities. But we havePSTE S B72

just demonstrated, using the data, that this cannot beITL
the case ; within the uncertainties for all H II regions :ITL

II). Therefore, weY (S96/KF) \Y (S96/C87) \Y (B72/S
must be able to compare the value of derived from theY

Pobservations using the II combination withITL B72/C87/S
that found by using the and data. For the dataOS PSTE S
from the preferred set of 27 H II regions, a linear regres-ITL
sion of Y on O/H yields still quite highY

P
\ 0.241^ 0.004,

compared to the result.OS
Why, then, do Ðnd such a large value for (0.241)ITL Y

Pcompared to that found by from the data of andOS PSTE
of (0.232) ? We believe it is due to the absence of the veryS
lowest metallicity H II regions from the set after theyITL
have excluded selected regions from their analysis. Figure 2
shows (with the error bars suppressed) the Y versus O/H
data used by (open circles) along with the new dataOS ITL
(Ðlled circles). The crossed circles are the 10 H II regions that

excluded from their analyses. Where there is overlap inITL
O/H, the Y -values are intermingled with those fromITL

and Indeed, there are six H II regions in commonPSTE S.
between and (not counting those regions,ITL OS ITL
shown in which excluded from their Ðts) withFigure 2, ITL
four having higher and two with lower Y -values than their

or counterparts. It is indeed surprising thatPSTE S ITL
and Ðnd such signiÐcantly di†erent values forOS Y

P
.

However, the data set does not extend to as low anITL
oxygen abundance as the set employed by This moreOS.
limited range in metallicity for the data set gives themITL
less leverage in determining the slope of the Y versus O/H
relation. Indeed, in the Y versus O/H Ðt of the data set,ITL
the slope is found to be 64 ^ 48. This is reminiscent of the
earlier work of & Sargent whose limitedKunth (1983),
metallicity range also led to an indeterminate slope. Kunth
& Sargent made the appropriate choice based on(1983)
their data and took a weighted mean of their data to deter-
mine Ðnding a high value of 0.245^ 0.003, which is veryY

P
,

similar to those found by Indeed, when usedITL. ITL
or they found slopes consistent with zero,S96/KF S96/C87

which suggests that their estimates are e†ectivelyY
Pweighted means.

To test this hypothesis, we have reÐtted the Y versus O/H
relation for the set excluding the four lowest O/HOS
points. For this modiÐed ““ Ðrst cut ÏÏ set of 37 H IIOS

FIG. 2.ÈHelium (Y ) and oxygen (O/H) abundances for the extra-
galactic H II regions of the Ðrst cut data sets from and (open(OS) PSTE S
circles), and from ( Ðlled circles). Regions excluded by are shownITL ITL
as crossed circles. Lines connect the same regions observed by di†erent
groups.

Olive et al. 1997



Measuring the primordial composition of the Universe: D

Look for absorption feature from 
D in spectra of distant quasars	

Figure 3: Optical spectrum of quasar 1937–1009, which shows the best example of
primordial D/H. The top spectrum, from the Kast spectrograph on the 3-m telescope at
Lick observatory, is of low spectral resolution, and high signal to noise. The continuum
emission, from the accretion disk surrounding the black hole at the center of the quasar,
is at about 6 flux units. The emission lines showing more flux (near 4950, 5820, 5940,
6230, 6700 & 7420 Å) arise in gas near the quasar. The absorptoin lines, showing less
flux, nearly all arise in gas which is well separated from, and unrelated to the quasar. The
numerous absorption lines at 4200 – 5800 Å are H I Lyα from the gas in the intergalactic
medium. This region of the spectrun is called the Lyα forest. This gas fills the volume
of the intergalactic medium, and the absorption lines arise from small, factor of a few,
fluctuations in the density of the gas on scales of a few hundred kpc. The Lyα lines were
all created by absorption of photons with wavelengths of 1216Å. They appear at a range
of observed wavelengths because they have different redshifts. Hence Lyα absorption at
5800Å is near the QSO, while that at 5000Å is nearer to us. The abrupt drop in flux
at 4180 Å is caused by H I Lyman continuum absorption in the absorber at z = 3.572.
Photons now at < 4180 Å had more than 13.6 eV when they passed though the absorber,
and they ionized its H I. The 1% residual flux in this Lyman continuum region has been
measured in spectra of higher signal to noise (Burles & Tytler 1997) and gives the H I
column density, expressed as H I atoms per cm−2 through the absorbing gas. The lower
plot shows a portion of a spectrum with much higher resolution taken with the HIRES
spectrograph on the Keck-1 telescope. We mark the Lyα absorption lines of H I and D
from the same gas. The column density of D is measured from this spectrum. Dividing
these two column densities we find D/H = 3.3 ± 0.3 × 10−5 (95% confidence), which is
believed to be the primoridal value, and using SBBN predictions, this gives the most
accurate measurements of η and Ωb.

61

 quasar 1937–1009 (Tytler et al. 2000)



Constraints on the baryon content of 
the Universe from nucleosynthesis

This is one of the ways to prove 
that currently only 4% of the 

content of the Universe can be 
baryonic!



Metal production by stars
Primordial composition: H and 4He, with trace amounts of D, 3He, 7Li. 

ALL heavier elements come from stars and supernovae!
Generally, heavy elements are 

forged in the core of the star and 
rarely escape.  

!
In the AGB phase, the s-process 

(slow neutron capture) and 
mixing alter the surface 

composition. This enriched outer 
layer is eventually expelled by 
stellar winds and pollutes the 
surrounding medium with light 
elements (C,N, very little O). 

!
Elements heavier than O are 
predominantly made by more 
massive stars that explode as 

supernovae.
A few stages of stellar evolution of 

a low-mass star (<8Msun).



Core-collapse supernovae

For more massive stars, the temperature 
is high enough to ignite O in the core; 

burning proceeds up to Fe  
(Fe has least average mass per nucleon, so further 

fusion does not produce more energy).  

Fe core collapses into neutron 
star or black hole, rest of 

envelope gets blown out into 
space enriching the surrounding 

medium with mainly light 
elements (O, Ne, Mg, some Si, S).

Happens very quickly after a star forming event!  
20Msun star lives only 10 Myr.



Type Ia (‘thermonuclear’) supernovae

CO white dwarf accreting from companion can reach 
Chandrasekhar mass — electron degeneracy pressure cannot hold 

the star up against gravity; the entire WD explodes and spreads 
mainly Fe-peak elements into space (Ni, Fe, some Ca, Ar, Si, S).  

Alternative: two WD collide.

Less massive stars live longer; it takes some time to make a 
WD and wait for it to accrete or collide. SNIa can have 
longer delay times after star forming event. How long?



A&A proofs: manuscript no. Core_abundances-II_hk
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Fig. 2. Predicted X/Fe abundances from various SNIa and SNcc yield models. For comparison, the ICM average abundance ratios (inferred from
Paper I) are also plotted. Left: SNIa yield models: 1-D (W7 and WDD2 from Iwamoto et al. 1999), 2-D (C-DEF, C-DDT, and O-DDT from
Maeda et al. 2010), and 3-D (N100def and N100 from Fink et al. (2014) and Seitenzahl et al. (2013b), respectively) models are indicated in back,
red, and blue, respectively. A distinction is also made between the explosion models: deflagration (W7, C-DEF, and N100def; solid lines) and
delayed-detonation (dashed lines for WDD2, C-DDT, and N100; dash-dotted lines for O-DDT). The Mn/Fe ratio is not shown here because it
highly depends on the initial metallicity of SNIa progenitors (Sect. 3.2). Right: SNcc models, all taken from Nomoto et al. (2013), assuming a
Salpeter IMF. Various initial metallicities (Zinit) for SNcc progenitors are compared. The dashed line corresponds to the Z0_cut model (see text).

WDD and CDD models assume a delayed-detonation, with three
possible transition densities (⇢T,7, given in units of 107 g/cm3).
The models currently favoured by the supernova community are
the delayed-detonation models, and among these, WDD2 is usu-
ally preferred (Iwamoto et al. 1999).

A well-referenced set of SNcc models was given by Nomoto
et al. (2006) and has been recently updated by Nomoto et al.
(2013, hereafter the “Nomoto” models), who estimated nucle-
osynthesis products of a SNcc as a function of the mass and the
initial metallicity (Zinit = 0, 0.001, 0.004, 0.008, or 0.02) of its
progenitor. In order to estimate the total yield mass Mi,SNcc of the
i-th element coming from SNcc explosions, we integrate these
models (following Tsujimoto et al. 1995) over a power-law IMF
between 10–40 M� (or 10–140 M� when Zinit = 0; Nomoto et al.
2013), as

Mi,SNcc =

R (1)40M�
10M�

Mi(m) m�(1+x) dm
R (1)40M�

10M�
m�(1+x) dm

, (3)

where Mi(m) is the mass yield of the i-th element at a given mass
m of the main sequence progenitor and x is the power index of
the IMF. Here we assume that the fraction of metals resulting
from the SNcc enrichment have been generated by a population
of massive stars having a Salpeter IMF (x = 1.35) and sharing
a common Zinit. We note that in the case Zinit = 0, the stellar
yields beyond 40 M� are available for 100 M� and 140 M� only.
Consequently, a precise integration over the IMF (Eq. 3) within
the 40–140 M� range is not trivial, and the IMF-weighted abun-
dance ratios of the Z0 model might be somewhat altered by the
choice of the mass binning. For this reason, in the following we
also consider the Z0_cut model, similar to the Z0 model, but re-
stricted to 40 M� (Table B.1 and Fig. 2 left; see also Nomoto
et al. 2006).

Considering all the possible combinations of a Classical
SNIa model plus a Nomoto SNcc model, our best fit (Fig. 3)
is reached for a WDD2 model and a SNcc initial metallicity
Zinit = 0.008. With a reduced �2 of ⇠2.8, this fit is quite poor. In
particular, the Ar/Fe, Ca/Fe, and Ni/Fe ratios are underestimated

Fig. 3. Average abundance ratios versus atomic numbers in the average
ICM abundance pattern (Paper I). The histograms show the yields con-
tribution of a best-fit combination of one Classical SNIa model (WDD2)
and one Nomoto SNcc (Zinit = 0.008, and Salpeter IMF) model.

with >1�, >3�, and >2� respectively, while Si/Fe is overesti-
mated with >2�. In Table 1 (top panel) we indicate the five best
fits (including this one) that we find with this Classical combina-
tion of models, as well as their respective estimated SN fractions.
The errors on the SN fractions are typically about ±5–6%. Al-
though all these fits are poor, the delayed-detonation models are
always favoured. The SNIa rates are always comparable, rang-
ing between ⇠29% and ⇠35%. We note that the WDD2 model
with Z = 0.02 used in de Plaa et al. (2007) has a reduced �2

of ⇠2.9, and also shows clear discrepancies in Ca/Fe (>3�), and
Ni/Fe (>2�). Clearly, these combinations fail to reproduce our
measured ICM abundance pattern.

Article number, page 4 of 18

Enrichment by a mixture of SNIa and SNcc is needed to explain the solar 
abundance pattern!

Mernier et al. 2016
weighted by an assumed IMF!



When did the Universe get its metals?

Recall: Lecture 5. Highest star formation rate (thus most SNcc) 
around 10Gyr ago.  

Old stars should have formed in a more pristine environment and 
should be metal poor. 

Can we see how the chemical composition of the Universe changes 
with time?



Extragalactic Abundances: Definitions

(can also be for [O/Fe] or any other pair of chemical elements). 
Note1: depends (slightly) on what one assumes for the solar value! 

Note2: sometimes given in linear not log form (usually X-ray observers)

All elements heavier than (not including He) originated in stars and they 
are collectively referred to as “metals” in astronomy (e.g. C is a “metal”!) 

The abundance of a metal is usually quoted as:

Alternatively, the absolute abundance is quoted as (for example for O): 
12 + log10 (O/H) !

(solar O/H abundance is 4.90e-04 so log10(O/H) is -3.3 assuming the measurements 
published in Asplund2009)



How do we measure extragalactic abundances?
(1)Absorption features in stellar spectra 

Four passively evolving galaxies at z ~ 1.8 
(Cimatti et al. 2004).

(3) QSO absorption lines

(2) Emission line spectra in HII regions: 
a planetary nebula in M33

(4) X-ray 
emission lines 
(intra-cluster 

medium)



892 K. Schawinski et al.

3.1.1 The colour–mass diagram

The observed u − r colour–mass diagrams of galaxies by morphol-
ogy at z ∼ 0 are shown in Fig. 2. Contours in each panel show
the linear density of galaxies and green lines indicate the location
of the green valley, defined from the all-galaxy panel at the upper
left. The right-hand panels show only early types (top) or late types
(bottom). These colour–mass diagrams, which constitute one of the
two main starting points of our analysis, lead us to the following
two important findings.

(i) Both early- and late-type galaxies span almost the entire u − r
colour range, that is, the classification by morphology reveals pop-
ulations of blue early-type galaxies and of red late-type galaxies
(e.g. Schawinski et al. 2009a; Masters et al. 2010b).

(ii) The green valley appears as a dip between bimodal colours
only in the all-galaxies panel; within a given morphological class,
there is no green valley, just a gradual decline in number den-
sity. Most early types lie in the red sequence with a long tail of
∼10 per cent of the population reaching the blue cloud, which could
represent a population in rapid transition, commensurate with the
original idea of the green valley as a transition zone. The late-type
galaxies, however, do not separate into a blue cloud and a red se-
quence, but rather form a continuous population ranging from blue
to red without a gap or valley in between.

The traditional interpretation (and visual impression) from the all-
galaxies diagram – that blue star-forming galaxies evolve smoothly

and quickly across the green valley to the red sequence – changes
when viewed as a function of morphology.

Specifically, the impression of bimodality in the all-galaxies
colour–mass diagram depends on the superposition of two separate
populations: late types that are mostly in the blue cloud, decreasing
smoothly all the way to the red sequence, and early types, a few of
whose colours reach all the way to the blue cloud. Consideration
of the indeterminate morphology galaxies (see Section 3.4) actu-
ally strengthens this conclusion, as they are mostly blue discs with
prominent red bulges, hence the green colours.

The blue late-type galaxies, in particular, show no signs of rapid
transition to the red sequence; indeed, they must take a very long
time to reach the red sequence (Section 3.3). The early types do
appear to transition quickly across the green valley, in that there are
few of them with green colours and even fewer with blue colours.
This suggests the bluest early types might have been produced by
major mergers of late types.

The demographics of galaxies by colour and morphology in
Table 1 make the point about evolutionary time-scale very clearly
(for the moment ignoring changes from one morphology into the
other): early types spend most of their time on the red sequence,
while late types remain in the blue cloud for most of their lifetimes.

3.1.2 The extinction-corrected colour–mass diagram

Dust extinction reddens galaxies, and significant reddening from
blue to red has been reported for high-redshift galaxies (e.g.

Figure 2. The u − r colour–mass diagram for our sample. In the top left, we show all galaxies, whereas on the right, we show the early-type (top) and late-type
galaxies (bottom); green lines show the green valley defined by the all-galaxy diagram. This figure illustrates two important findings: (1) Both early- and
late-type galaxies span almost the entire u − r colour range. Visible in the morphology-sorted plots are small numbers of blue early-type (top) and red late-type
(bottom) galaxies (e.g. Schawinski et al. 2009a; Masters et al. 2010b). (2) The green valley is a well-defined location only in the all-galaxies panel (upper left).
Most early-type galaxies occupy the red sequence, with a long tail (10 per cent by number) to the blue cloud at relatively low masses; this could represent blue
galaxies transiting rapidly through the green valley to the red sequence. More strikingly, the late types form a single, unimodal distribution peaking in the blue
(these are the main-sequence star formers) and reaching all the way to the red sequence, at higher masses, with no sign of a green valley (in the sense of a
colour bimodality). The contours on this figure are linear and scaled to the highest value in each panel.
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Metallicity-mass relation: “Closed box” chemical evolution model
Gas is consumed and converted into stars; through SN explosions and stellar winds, these 

stars return some of the gas to the gas reservoir. New stars form from this enriched gas 
reservoir.  

Assuming no gas is lost or accreted, the more gas was processed early on through star 
forming events, the more metal rich a galaxy’s subsequently formed stars and remaining 
gas should be. i.e. gas-rich galaxies that formed stars slowly at the beginning should be 

metal poor. 

typically still star 
forming and gas rich

typically consumed their gas 
early on



Radial abundance patterns
G. Cescutti et al.: Abundance gradients in the MW 9

Fig. 7. The gradients for O, Mg, Si, S and Ca compared with
different sets of data. The small open circles are the data by
4AL, the black squares are the mean values inside each bin for
the data by 4AL and the error bars are the standard deviations
(see table 4). The red solid triangles are the data by Daflon &
Cunha (2004) (OB stars), the open blue squares are the data
by Carney et al. (2005) (red giants), the blue solid hexagons
are the data by Yong et al. (2006) (Cepheids), the blue open
triangles are the data by Yong et al. (2005) (open clusters )and
the magenta solid squares are the data by Carraro et al. (2004)
(open clusters). Note that the most distant value for Carraro et
al. (2004) and Yong et al. (2005) refers to the same object: the
open cluster Berkeley 29. The thin solid line is our model at the
present time normalized at the mean value of the bin centered
in 8 kpc for Cepheids stars by 4AL; the dashed line represents
the predictions of our model at the epoch of the formation of
the solar system normalized to the observed solar abundances
by Aspund et al. (2005). This prediction should be compared
with the data for red giant stars and open clusters (Carraro et
al. 2004; Carney et al. 2005; Yong et al. 2005).

Yong et al. (2006). Some problems arise for La. In fact, the
trend of the gradients is similar for the sets of data but the ab-
solute values of the La abundances in the sets of data by Yong et
al. (2006), Yong et al. (2005) and Carney et al. (2005) are sys-
tematically lower than the ones of 4AL and, without the offset,
it is impossible to have a comparison. Therefore, we apply an
offset of +0.3 dex to all observational data (with the exception
of the 4AL data) to better show all the sets of data. We note
that this can also be the conseguence of the different way of
calculating the abundances, as explained in Yong et al. (2006).
It is worth noting that the most important results are the slopes
of the gradients rather than the absolute abundances. With this
offset applied to the data, the two open clusters (Berkeley 31
and NGC 2141), measured by Yong et al. (2005), still present
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an abundance of La larger than the one predicted by our model
and the mean abundance of the data by 4AL; finally, the data of
Yong et al.(2006) have again a large spread. Nevertheless, the
comparison is pretty good and the abundance of the most dis-
tant cluster is well fitted. The results for Ba are similar to those
for La. In fact, we have to apply an offset of +0.3 dex to the
data by Carney et al. (2005), for the same reasons explained
above. The results are also quite good with the exceptions of
the two open clusters as before, which show a larger Ba abun-
dance when compared to the results of our model.We underline
that for both these open clusters there is only a measured star
and it is possible that the stars chosen to be analyzed could be
peculiar stars in terms of chemical abundances of s-process el-
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an abundance of La larger than the one predicted by our model
and the mean abundance of the data by 4AL; finally, the data of
Yong et al.(2006) have again a large spread. Nevertheless, the
comparison is pretty good and the abundance of the most dis-
tant cluster is well fitted. The results for Ba are similar to those
for La. In fact, we have to apply an offset of +0.3 dex to the
data by Carney et al. (2005), for the same reasons explained
above. The results are also quite good with the exceptions of
the two open clusters as before, which show a larger Ba abun-
dance when compared to the results of our model.We underline
that for both these open clusters there is only a measured star
and it is possible that the stars chosen to be analyzed could be
peculiar stars in terms of chemical abundances of s-process el-

Abundance measurements from Milky Way disk 
Cepheids. Model by Cescutti et al. (2007) assumes that 
the disk formed inside-out with a timescale for the 
formation of the thin disk of 7 Gyr in the solar vicinity.

S/O is consistent with a constant value, although a very shal-
low N/O gradient is suggested by Figure 5.

Plots of the abundance ratios S/O and N/O as a function of
O/H are shown in Figure 6. The S/O ratio (top) for the M51 H ii
regions is consistent with the approximately constant value
[log (S=O) ¼ "1:6] observed in other spiral galaxies, without
any evidence for a decrease as the oxygen abundance increases.
The results of Dı́az et al. (1991) suggested that such a decrease
might occur (e.g., Garnett 2004). On the basis of our results, we
therefore find no need to invoke changes in the massive-star
initial mass function or in the nucleosynthesis at high metal-
licity (at least up to approximately the solar value).

The nitrogen abundance, shown relative to O/H in Figure 6
(bottom), has an average value log (N=O) ’ "0:56, higher than
the value measured in H ii regions of comparable oxygen abun-
dance in galaxies such as M101 and NGC 2403. This appar-
ent nitrogen overabundance seems consistent with the known
spread of N/O at a given O/H for spiral galaxies, related to dif-
ferences in star formation histories, with earlier Hubble types
(M51 is classified as Sbc) having on average higher N/O ratios
than later types (Henry et al. 2000; Pilyugin et al. 2003).

5. EMPIRICAL ABUNDANCE INDICATORS

The results of a quarter-century of research on nebular abun-
dances have proved very useful for obtaining estimates of abun-
dance gradients in spiral galaxies and of oxygen abundances of
star-forming regions in the distant universe. Indirect methods
(as opposed to direct methods based on the determination of
electron temperatures) using ratios of strong lines have been
developed by several authors; the most widely used is arguably
the R23 empirical abundance indicator of Pagel et al. (1979).
Some evidence has been mounting, however, against the ac-
curacy of such methods in the abundance range typical of the
central regions of spiral galaxies (half-solar oxygen abundance
and above). This has been discussed at length in our work on
M101 (Kennicutt et al. 2003), and we do not repeat the dis-
cussion here. In that paper we also presented the main issues

that could complicate an analysis based on the collisionally
excited lines, namely, the presence of temperature fluctuations
and, at high metallicity, temperature gradients. Their effect is
similar, in that the measured electron temperature is weighted
toward the higher temperature zones, leading to a possible un-
derestimate of the real nebular abundances. The reader is re-
ferred to Kennicutt et al. (2003) for further details and for a
justification of the use of the collisionally excited lines. Ad-
mittedly, the issue is still open. In addition, the temperature in
the [N ii] zone could be overestimated by neglecting the re-
combination component of the 5755 8 line (see Liu et al.
2000). The lack of the line flux from [N iii] at 57 !m for our
M51 sample does not allow us to estimate the contribution of
this recombination directly from observations. However, this
contribution is likely to be small, given the small amount of
N+2 present in low-excitation nebulae. The good agreement
between the observed T [N ii]–T [S iii] relationship and the
predicted one from Garnett (1992) also suggests that such a
recombination component can be neglected to first order.

The detection of auroral lines in objects around the solar
O/H ratio is prompting a revision of the abundances based on
indirect methods, since relatively low abundances are found for
objects that were once thought to be very metal-rich (i.e., well
above the solar value: Castellanos et al. 2002; Kennicutt et al.
2003). This is also the case for the M51 H ii regions analyzed
in this work, and a brief assessment of a few representative
empirical abundance indicators seems to be warranted at this
point.

It is obvious that the abundances obtained in M51 in the
present work have an important impact on most empirical cal-
ibrations. This is exemplified in Figure 7, in which we compare
our direct oxygen abundances with those obtained by means of
R23, adopting two different calibrations: the one by Edmunds &
Pagel (1984) and the one by Pilyugin (2001; see Garnett et al.
[2004] for a comparison involving two other calibrations). The
sample of objects shown includes, besides the M51 H ii regions
studied here, a number of nebulae extracted from the literature
(Kennicutt et al. 2003; Garnett et al. 1997; van Zee et al. 1998;

Fig. 5.—Radial trends of 12þ log (O=H) (top), log (N=O) (middle), and
log (S=O) (bottom). The dashed line represents the linear fit to the O/H radial
gradient (eq. [4]).

Fig. 6.—Top: Relationship between the S/O abundance ratio and O/H.
Symbols are the same as in Fig. 3. A trend of approximately constant S/O is
seen to extend beyond the solar oxygen abundance. Bottom: Relationship be-
tween N/O and O/H. Symbols are as in Fig. 3.

METAL-RICH H ii REGIONS IN M51 235No. 1, 2004

Similar radial trends in M51 from metal-
rich HII regions  

(Bresolin et al. 2004)



Metal-poor galactic halo stars

Fig. 29.— The chemical evolution of the Galactic halo; (a) the star formation rate, (b) the age-metallicity
relation, (c) the metallicity distribution function, and (d) the [O/Fe]-[Fe/H] relation. The solid and short-
dashed lines are for the outflow model with and without the SN Ia metallicity effect, respectively. Observa-
tional data sources are: (b) filled circles, Salaris & Weiss (2002); (c) crosses, Zinn (1985); open circles, Laird
et al. (1988); filled circles, Chiba & Yoshii (1998); and (d) small open circles, Edvardsson et al. (1993); small
filled circles, thin disk stars in Bensby et al. (2004a); filled and open triangles, Gratton et al. (2003); large
filled circles, Cayrel et al. (2004).
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Fig. 9.— [O/Mg] against [Mg/H] for the model
with our yields (solid line) and K98 model with
N97 yields (dashed line). The observational data
is shown with the open circles (Edvardsson et al.
1993), and the filled circle and asterisks respec-
tively for the thin and thick disk stars (Bensby et
al. 2004a).

Fig. 10.— [Si/Fe]-[Fe/H] relation. Observational
data sources are: For disk stars, small open cir-
cles, Edvardsson et al. (1993); crosses, Feltzing &
Gustafsson (1998); small filled circles, thin disk
stars in Bensby et al. (2003); stars, filled trian-
gles, and open triangles respectively for thin disk,
dissipative component, and accretion component
in Gratton et al. (2003). For halo stars, open
squares, Gratton & Sneden (1991); large open
circles, McWilliam et al. (1995); filled squares,
Ryan et al. (1996); large filled circles, Cayrel et
al. (2004); filled pentagons, Honda et al. (2004).

Fig. 11.— [S/Fe]-[Fe/H] relation. Observa-
tional data sources are: asterisks, Israelian & Re-
boro (2001); open pentagons, Takada-Hidai et al.
(2002); filled circles, Chen et al. (2002); open cir-
cles, Nissen et al. (2004); filled pentagons, Takada-
Hidai et al. (2005).
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Fig. 10.— [Si/Fe]-[Fe/H] relation. Observational
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Gustafsson (1998); small filled circles, thin disk
stars in Bensby et al. (2003); stars, filled trian-
gles, and open triangles respectively for thin disk,
dissipative component, and accretion component
in Gratton et al. (2003). For halo stars, open
squares, Gratton & Sneden (1991); large open
circles, McWilliam et al. (1995); filled squares,
Ryan et al. (1996); large filled circles, Cayrel et
al. (2004); filled pentagons, Honda et al. (2004).

Fig. 11.— [S/Fe]-[Fe/H] relation. Observa-
tional data sources are: asterisks, Israelian & Re-
boro (2001); open pentagons, Takada-Hidai et al.
(2002); filled circles, Chen et al. (2002); open cir-
cles, Nissen et al. (2004); filled pentagons, Takada-
Hidai et al. (2005).
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Fig. 7.— [O/Fe]-[Fe/H] relation for the model
with our yields (solid line) and K98 model with
N97 yield (dashed line). Observational data
sources are: For disk stars, small open circles, Ed-
vardsson et al. (1993); crosses, Feltzing & Gustafs-
son (1998); small filled circles, thin disk stars in
Bensby et al. (2004a); filled and open triangles
respectively for dissipative component and accre-
tion component in Gratton et al. (2003). For halo
stars, large filled circles, Cayrel et al. (2004). UV
OH observation is shown with small crosses (Is-
raelian et al. 1998, 2001) and plus (Boesgaard et
al. 1999). The errorbars shows the average taken
with [OI] from Melendez & Barbuy (2002).

Fig. 8.— [Mg/Fe]-[Fe/H] relation. Observational
data sources are: For disk stars, small open cir-
cles, Edvardsson et al. (1993); crosses, Feltzing &
Gustafsson (1998); small filled circles, thin disk
stars in Bensby et al. (2003); stars, filled triangles,
and open triangles respectively for thin disk, dis-
sipative component, and accretion component in
Gratton et al. (2003). For halo stars, large open
circles, McWilliam et al. (1995); filled squares,
Ryan et al. (1996); large filled circles, Cayrel et
al. (2004); filled pentagons, Honda et al. (2004).
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From Kobayashi et al. 2006

Unlike disk stars, galactic halo stars are thought to 
have formed very early on (on a time scale of 0.8 Gyr, 

so they are 13.2-0.8=12.4 Gyr old) 
They formed from a more pristine environment and are 

metal poor. They have a different chemical 
composition, and contain more O (SNcc) than Fe 

(from SNIa)!

galactic 
halo stars



Redshift evolution of the metallicity seen from stellar spectra

Tremonti et al. 2004 
using 53000 star forming galaxies in SDSS 

Erb et al. 2006 
similar trend with mass, but 

metallicities lower by a factor of 
~2 in z>2 galaxies. 

1/3 solar



Redshift evolution of the metallicity seen from QSO absorption

12 Berg et al.

Figure 4. Top Panel: The metallicity distribution of the XQ-100
DLAs. The solid red line outlines the total metallicity distribu-
tion of the XQ-100 sample, whereas the shaded regions within
each bin show the distribution of elements used as the metallicity
indicator for the DLAs. The metallicity distribution of the lit-
erature DLA sample is shown by the black dashed line. Bottom
Panel: The distribution of the XQ-100 (red circles) and literature
DLAs (black points) in metallicity-redshift space.

�[↵/Fe] for both the MDLA and control samples. The p-
value from the Anderson-Darling (AD) test (pAD)

8 rejects
the null hypothesis that the two samples are drawn from
the same parent sample at ⇠ 31% confidence, suggesting
MDLAs likely do not show any deficit (or enhancement) in
[↵/Fe] relative to the typical DLA.

We note that the Berg et al. (2015a) literature sample
includes surveys that have purposefully observed DLAs of
specific properties and may have a biased representation of
these properties, such as high or low metallicity. As a test of
robustness of these results, we limited the control-matched
samples to DLAs from the relatively unbiased Rafelski et al.
(2012) literature sample, and re-computed �[↵/Fe]. Only 6
of the 27 MDLAs were matched, and still showed no deficit
in [↵/Fe] (pAD ⇠ 0.86).

We note that the upper velocity limit of MDLAs defined
in Lopez & Ellison (2003, 10000km s�1) is much larger than
the typical galaxy cluster velocity dispersion (values are typ-
ically smaller than 2000 km s�1; Ruel et al. 2014). Reduc-
ing the definition of an MDLA to a separation of 2000 km
s�1 limits the sample to one MDLA system, which shows
a �[↵/Fe] of ⇠ +0.2dex. Unfortunately more MDLAs are
required to further test if a smaller velocity separation does
have an impact on the MDLA abundances.

8 We preferentially use the AD test over a KS test as the AD
test is independent of the shape of the distribution, and is more
sensitive to discrepancies in the tails of the distribution.

Figure 5. The relative change in [↵/Fe] for MDLAs (�[↵/Fe])
as a function of logN(Hi). The left panel show �[↵/Fe] in MDLA
sightlines compared to the control-matched sample (small grey
points). For reference, the MDLAs observed in Lopez & Ellison
(2003) are shown as large squares. The colour of the MDLA points
represent the velocity separation of the DLAs along the sightline.
The right panel shows the distribution of �[↵/Fe] for the MDLA
(red) and control (grey) samples. The p-value from the Anderson-
Darling test for the two MDLA samples relative to the control
sample is displayed; suggesting that the MDLA and control DLAs
are likely drawn from the same parent sample.

3.3 Proximate DLAs

The XQ-100 DLA catalogue from Sánchez-Ramı́rez et al.
(2016) showed that five DLAs are PDLAs (�v 6 5000 km
s�1 from the host QSO). The properties of the complete set
of associated absorbers in XQ-100, not just limited to DLAs,
can be found in Perrotta et al. (2016). With the addition of
41 PDLAs in the literature sample (Berg et al. 2015a), we
test the e↵ect of proximity of a DLA to its host QSO for
46 absorbers. Improving upon the analysis of 16 PDLAs in
Ellison et al. (2010), we compare the relative abundance of
a given PDLA to a control-matched sample of intervening
DLAs.

The control matching was undertaken in an identical
manner as for the MDLAs, with the exception that DLAs
were matched by logN(Hi) and redshift. In addition, we re-
quire the control sample to have at least five measured abun-
dances for each of the following elements: S, Si, Fe, and Zn9.
The tolerance for the logN(Hi) match was set by the error
in the PDLA’s logN(Hi). If required, the logN(Hi) selection

9 The requirement of having five abundances for each element
is the most restrictive criterion; but is required to ensure that
DLAs are compared to the same control pool for each element.
Without this criterion, all matching is completed within at most
four expansions.

c� 0000 RAS, MNRAS 000, 000–000

Berg et al. 2016

Damped Lyman alpha systems: 
concentrations of neutral hydrogen gas 

(T~several 104K), detected in the 
spectra of quasars, believed to be 
associated with the early stages of 

galaxy formation.



Metals in the intra-cluster medium
Recall: most of the baryons in the Universe are in the intra-cluster medium. Even for a 

modest average abundance, the diffuse ICM can still dominate the metal budget in the 
local Universe!

A&A 592, A157 (2016)
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Fig. 4. Top: EPIC MOS 1, MOS 2, and pn stacked and redshift-corrected
residuals of the (0.05 + 0.2)r500 sample (using a gdem model). Before
stacking, the MOS and pn spectra of every pointing were fitted simulta-
neously with coupled parameters. The vertical dotted lines indicate the
position of the detected line emissions in the EPIC spectra (see lower
panel). Bottom: EPIC stacked and redshift-corrected residuals of the
(0.05+0.2)r500 sample (using a gdemmodel, all instruments combined).
Before stacking, the MOS and pn spectra of every pointing were fitted
independently and the line emission was set to zero in the model. The
height of the peak of the Fe-K complex is ⇠1.95.

N is the total number of observations, M is the number of spec-
tral bins (in the considered spectrum), and wi,k is the weight used
to stack the results. This weight, which depends on both the ob-
servation and the spectral bin considered, is the product of two
values: the inverse square of the statistical error of data(k)i and a
factor, between 0 and 1, corresponding to the overlapping frac-
tion between a bin from a reference spectrum, and a bin from
a spectrum to be stacked to the reference one (e.g. if the “ref-
erence spectrum” and “stacking spectrum” bins do not overlap,
the overlapping fraction is 0, if they fully overlap, the fraction
is 1; see also Leccardi & Molendi 2008). This second factor is
necessary because the spectra (or spectral residuals) from di↵er-
ent observations have di↵erent o↵sets in their rest frame binning
owing to their di↵erent redshift corrections. Figure 4 (top three
panels) shows the stacked MOS 1, MOS 2, and pn residuals.

Although the deviations are not larger than a few per cent,
remaining cross-calibration issues between MOS and pn e↵ec-
tive areas clearly appear, and positive residuals in one instru-
ment are often compensated by negative residuals in the other,

especially around the Fe-L complex (and more generally below
2 keV). In the 4�6 keV band, the model underestimates the spec-
tra, while above 7 keV, the opposite situation occurs. It is also
worth mentioning the apparent slightly overestimated broaden-
ing of the modelled Fe-K line complex, in particular in MOS
(seen through the characteristic dips on both sides of the peak),
which is likely due to imperfections of the RMF. The pn stacked
residuals also suggest a small o↵set due to incorrect energy cali-
bration. Although the last two points should not significantly af-
fect our results, the overall shape of the stacked residuals clearly
illustrates that, despite past and recent e↵orts to cross-calibrate
the EPIC instruments, imperfections are still present and bring
additional uncertainties in the parameter determination (see also
Schellenberger et al. 2015). In particular, the biased determina-
tion of the continuum, especially beyond 4 keV, emphasises the
importance of using a local fitting method to derive reliable
abundances (Sect. 3.3).

We do the same exercise, this time by fitting the instruments
independently (to minimise the cross-calibration residuals dis-
cussed above), and by setting all the line emission to zero in
the gdem model after having fitted the spectra. We calculate the
residuals relative to this “continuum only” model for each ob-
servation, and we sum the residuals as described above. The
stacked result is shown in the lower panel of Fig. 4, and reveals
all the emission lines/complexes that the EPIC instruments are
able to resolve. The small stacked error bars on the residuals al-
low us to detect the main emission lines of chromium (Cr) and
manganese (Mn) around ⇠5.7 keV and ⇠6.2 keV respectively.
Following the Gauss method described in Mernier et al. (2015),
we re-fit locally the EPIC spectra of every pointing with a local
continuum and an additional Gaussian centred successively on
these two energies. From this we get the EWs of the two lines,
which we can convert into Cr and Mn abundances. After stack-
ing these measurements over the whole sample, the MOS and
pn instruments find a positive detection of Cr/Fe with >7� and
>4� significances, respectively. For Mn/Fe, the positive detec-
tion is >5� in both MOS and pn. Combining the MOS and pn
instruments, we obtain average Cr/Fe and Mn/Fe abundances of
1.56± 0.19 and 1.70 ± 0.22, respectively. These abundances are
not so di↵erent from the Fe values assumed for Cr and Mn in
the previously discussed fits (Sect. 3.2), and consequently, their
residuals did not bias our fits much, if at all. We also note that be-
cause the error bars of these abundances in individual pointings
are often 1� consistent with zero, we must ensure that negative
abundances are allowed in order to avoid statistical biases when
averaging over the whole sample (Leccardi & Molendi 2008).

The stacking process described above can also be performed
separately in the hot and cool subsamples, respectively within
0.2r500 and 0.05r500. This comparison is shown in Fig. 5. Unsur-
prisingly, most of the emission lines, including the Fe-L com-
plex, are clearly enhanced in the cool subsample (grey curve),
while the Fe-K and Ni-K lines are more prominent in the hot
subsample (black). Beyond ⇠6 keV, the overestimate of the con-
tinuum (discussed above and in Sect 3.3) also seems more im-
portant in the cool subsample.

4.3. Systematic uncertainties

A crucial point when averaging the abundances over a large sam-
ple is that the stacked statistical uncertainties become very small.
Therefore, the systematic uncertainties may clearly dominate,
and care must be taken to evaluate them properly. The average
abundance ratios and all their uncertainties discussed below are
summarised in Table 2.
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Unlike individual galaxies, clusters really are “closed boxes”, containing the products of 
billions of past supernovae. 

ICM is optically thin and close to collisional ionisation equilibrium, which makes the spectral 
modelling and interpretation of line equivalent width into an abundance value easier.
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Fig. 2. Predicted X/Fe abundances from various SNIa and SNcc yield models. For comparison, the ICM average abundance ratios (inferred from
Paper I) are also plotted. Left: SNIa yield models: 1-D (W7 and WDD2 from Iwamoto et al. 1999), 2-D (C-DEF, C-DDT, and O-DDT from
Maeda et al. 2010), and 3-D (N100def and N100 from Fink et al. (2014) and Seitenzahl et al. (2013b), respectively) models are indicated in back,
red, and blue, respectively. A distinction is also made between the explosion models: deflagration (W7, C-DEF, and N100def; solid lines) and
delayed-detonation (dashed lines for WDD2, C-DDT, and N100; dash-dotted lines for O-DDT). The Mn/Fe ratio is not shown here because it
highly depends on the initial metallicity of SNIa progenitors (Sect. 3.2). Right: SNcc models, all taken from Nomoto et al. (2013), assuming a
Salpeter IMF. Various initial metallicities (Zinit) for SNcc progenitors are compared. The dashed line corresponds to the Z0_cut model (see text).

WDD and CDD models assume a delayed-detonation, with three
possible transition densities (⇢T,7, given in units of 107 g/cm3).
The models currently favoured by the supernova community are
the delayed-detonation models, and among these, WDD2 is usu-
ally preferred (Iwamoto et al. 1999).

A well-referenced set of SNcc models was given by Nomoto
et al. (2006) and has been recently updated by Nomoto et al.
(2013, hereafter the “Nomoto” models), who estimated nucle-
osynthesis products of a SNcc as a function of the mass and the
initial metallicity (Zinit = 0, 0.001, 0.004, 0.008, or 0.02) of its
progenitor. In order to estimate the total yield mass Mi,SNcc of the
i-th element coming from SNcc explosions, we integrate these
models (following Tsujimoto et al. 1995) over a power-law IMF
between 10–40 M� (or 10–140 M� when Zinit = 0; Nomoto et al.
2013), as

Mi,SNcc =

R (1)40M�
10M�

Mi(m) m�(1+x) dm
R (1)40M�

10M�
m�(1+x) dm

, (3)

where Mi(m) is the mass yield of the i-th element at a given mass
m of the main sequence progenitor and x is the power index of
the IMF. Here we assume that the fraction of metals resulting
from the SNcc enrichment have been generated by a population
of massive stars having a Salpeter IMF (x = 1.35) and sharing
a common Zinit. We note that in the case Zinit = 0, the stellar
yields beyond 40 M� are available for 100 M� and 140 M� only.
Consequently, a precise integration over the IMF (Eq. 3) within
the 40–140 M� range is not trivial, and the IMF-weighted abun-
dance ratios of the Z0 model might be somewhat altered by the
choice of the mass binning. For this reason, in the following we
also consider the Z0_cut model, similar to the Z0 model, but re-
stricted to 40 M� (Table B.1 and Fig. 2 left; see also Nomoto
et al. 2006).

Considering all the possible combinations of a Classical
SNIa model plus a Nomoto SNcc model, our best fit (Fig. 3)
is reached for a WDD2 model and a SNcc initial metallicity
Zinit = 0.008. With a reduced �2 of ⇠2.8, this fit is quite poor. In
particular, the Ar/Fe, Ca/Fe, and Ni/Fe ratios are underestimated

Fig. 3. Average abundance ratios versus atomic numbers in the average
ICM abundance pattern (Paper I). The histograms show the yields con-
tribution of a best-fit combination of one Classical SNIa model (WDD2)
and one Nomoto SNcc (Zinit = 0.008, and Salpeter IMF) model.

with >1�, >3�, and >2� respectively, while Si/Fe is overesti-
mated with >2�. In Table 1 (top panel) we indicate the five best
fits (including this one) that we find with this Classical combina-
tion of models, as well as their respective estimated SN fractions.
The errors on the SN fractions are typically about ±5–6%. Al-
though all these fits are poor, the delayed-detonation models are
always favoured. The SNIa rates are always comparable, rang-
ing between ⇠29% and ⇠35%. We note that the WDD2 model
with Z = 0.02 used in de Plaa et al. (2007) has a reduced �2

of ⇠2.9, and also shows clear discrepancies in Ca/Fe (>3�), and
Ni/Fe (>2�). Clearly, these combinations fail to reproduce our
measured ICM abundance pattern.
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What is the “recipe” for enriching the ICM? 

SNIa/SNtot ~ 0.3 (Sun: 0.15)
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FIG. 4.ÈMean metallicity proÐles for the CF ( Ðlled circles) and
non-CF clusters (open circles), plotted against radii in units of r180.

developed in the core of the infalling subgroups (Fabian &
Daines 1991). Since the merger in A2256 is still in a rela-
tively early stage, the remixing of the gas of the two sub-
clusters is not complete, thereby generating an abundance
gradient in the direction opposite to the merging direction.

If each merger event redistributes efficiently the metals
within the ICM, then the metal excess we see in the core of
CF clusters should be directly related to the enrichment
processes that have occurred in the cluster core since the
last major merger. Thus, just as the global metallicity of
clusters is an indicator of the global star formation history
within the whole cluster, the abundance excess we see in the
core of CF clusters is an indicator of the star formation
history in the core of the cluster since the last major merger.

In light of the above statement, we have tried to test
whether the metal abundance excess we see is due to metals
expelled from early-type galaxies located in the core of the
cluster. More speciÐcally, we have computed the metal
abundance-excess proÐle expected when the metal excess
distribution traces the light distribution of early-type gal-
axies. It can be readily shown that the projected abundance
excess measured within a bin with boundingZproj(bmin, bmax)radii and is related to the deprojected metalbmin bmaxabundance-excess distribution Z(r) by the following equa-
tion :

Zproj(bmin, bmax) \ /
bmin
bmax b db/

b2
= M[n2(r)Z(r)]/Jr2 [ b2Ndr2

/
bmin
bmax b db/

b2
= M[n2(r)]/Jr2 [ b2Ndr2

.

(1)

The abundance excess is proportional to the ratio of the
metal density excess, in our case iron, Fe(r), to the gas
density n(r) ; i.e., Z(r) P Fe(r)/n(r). If we assume that the iron
excess distribution follows the distribution of light from
early-type galaxies, l(r), we have Z(r) P l(r)/n(r).

We have computed for the four cooling Ñow objectsZprojwhere the metal abundance proÐle is best measured and
optical data is available, namely, A85, A496, A2029, and
Perseus (see Fig. 5). X-ray and optical light density proÐles,
n(r) and l(r), respectively, have been derived by deprojecting
X-ray and optical surface brightness proÐles taken from the

FIG. 5.ÈPredicted (dashed lines) vs. measured ( Ðlled circles) metallicity
excess proÐles as a function of radius for the cooling Ñow clusters A496,
A2029, A85, and Perseus.

literature. Note that we employ the total optical light
proÐle, including both the light proÐle of the cD and that of
other early-type galaxies in the core of the cluster.

All X-ray proÐles are from Mohr, Mathieson, & Evrard
(1999), while the optical data comes from a number of
works (A85 : Porter, Schneider, & Hoessel 1991 ; Slezak et
al. 1998 ; A496 : Schombert 1986 ; Slezak et al. 1999 ; A2029 :
Uson, Boughn, & Kuhn 1991 ; Perseus : Schombert 1986 ;
Brunzendorf & Meusinger 1999). Since our innermost
radial bins oversample the core of the MECS PSF by a
factor of 2 only, equation (1) needs to be corrected for the
smoothing e†ects of the PSF. This is achieved by substitut-
ing the innermost integrals of the numerator and denomina-
tor with their convolutions with the MECS PSF.

In all cases the predicted abundance-excess proÐles show
a central peak that is due to the cD galaxy. Indeed, if we
subtract the cD light proÐle from the total light proÐle, the
derived metal abundance-excess proÐle becomes Ñat or
even increases with radius.

For A496 and A2029, the predicted projected metal
abundance excess can be reconciled with the observed one ;
this is not the case for A85 and Perseus. For the latter two
clusters, the predicted projected metal abundance excess
appears to be more centrally concentrated than the
observed one. In the case of A85 the di†erence is not highly
signiÐcant, while for Perseus, the two proÐles are clearly

Contribution from the BCG

Cool core clusters with a BCG have peaked 
profiles, other clusters do not. 

!
The core is probably more metal rich due to metal 

production in the BCG. There is little new star 
formation here, so no SNcc (only stellar winds and 

SNIa contribute).

deGrandi&Molendi 2001
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(a) NGC 5044 (b) NGC 1550 (c) M87

(d) AWM4 (e) Centaurus (f) AWM7

(g) A1795 (h) Perseus

Figure 1. Comparison of the observed and the expected iron abundance profiles for each source: the set of enrichment parameters used are listed in Table 4.

The solid line shows the abundance profile adopted in this paper, from which a constant value of ab is subtracted. We assume that this central abundance excess

is mainly due to the metal ejection of the central galaxy. For comparison, we show the expected iron abundance (short dashed line) due to the ejection of

metals from the galaxy. The expected profile was calculated assuming that the ejected metal distribution follows the optical light. In all the objects, the expected

abundance profile is much more peaked than the observed profile (due to the contribution of the central galaxy) suggesting that some mechanism is needed to

spread the metals. The dotted line shows the profile derived with the same parameters of iron injection, but with the additional effect of diffusion. The long

dashed line corresponds to the maximum abundance (it can be obtained from equation 4), beyond which our approximation of neglecting the gas injection is

not valid anymore.

which the cooling time is comparable with the Hubble time). We

then used D from Table 3 and set !diss = n2"(T), evaluated at r0.

This approach of choosing r0 = rcool/2 implies that the cooling

rates used will not be drastically different from source to source

(as it would happen if for instance one uses a fixed value of r0 for

all the objects in the sample). The resulting constraints are shown

in Fig. 2. The thick dot–dashed line shows the combinations of v

and l which give the same diffusion coefficient, while the thin dot–

dashed lines show the effect of varying C1 by factor of 1/3 and 3. The

effect of varying C2 by factor of 1/3 and 3 was estimated in Rebusco

et al. (2005). Along the dotted line, the dissipation rate is equal to the

cooling rate at r0 = rcool/2; the dot–short dashed line is for r0 = rcool

C⃝ 2006 The Authors. Journal compilation C⃝ 2006 RAS, MNRAS 372, 1840–1850

Stellar light profiles much more peaked than Fe distribution

Rebusco et 
al. 2006

Turbulence due to the AGN in the central galaxy is spreading out the metals?
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Figure 3. Jet power vs. iron radius. The dashed line is the best fit to the data.

of the radio cavity system and the blue triangles represent the
undisturbed metallicity profile. The dotted vertical line indicates
the maximum radius at which a significant enhancement in
metallicity has been detected. We refer to this as the iron radius
(RFe). This radius is concisely defined as the location of the
radial bin furthest from the cluster center where the 1σ error
bars of the profiles along and orthogonal to the radio axis do not
overlap. Regions interior to the iron radius show a systematic
enhancement in iron abundance over the undisturbed regions.
For regions beyond the iron radius, the abundance profiles are
indistinguishable. From top to bottom, the three panels are
arranged in order of increasing jet power and increasing iron
radius. This shows that higher power AGNs are able to launch
metal-enriched gas to greater distances.

In Figure 3, the iron radius is plotted against jet power derived
using X-ray cavity data taken from Rafferty et al. (2006) for all
10 clusters in the sample. The powers quoted there were derived
from the total energy of the cavities, 4 pV , and their buoyant
rise time. In systems with multiple generations of cavities, the
average power is used. Note that the iron radius was determined
using the radial metallicity profiles only and not using the
metallicity maps. A trend between jet power and iron radius
is evident over three decades in jet power. The low powered
AGN outbursts Pjet ≃ 1043 erg s−1 drive out material on a scale
of a few tens of kiloparsecs. For exceptionally large outbursts
with jet power exceeding 1046 erg s−1, such as MS0735, metals
from the core are being launched hundreds of kiloparsecs into
the ICM.

To quantify this trend, we fit a linear function to the loga-
rithms of jet power and iron radius. Performing a least-squares
regression, the best fit plotted in Figure 3 takes the form

RFe = 58 × P 0.42
jet (kpc), (1)

where jet power is in units of 1044 erg s−1. The rms scatter about
the fit is approximately 0.5 dex. The correlation is strong and
shows a fairly small scatter, although with only 10 objects the
true scatter about the mean is difficult to evaluate. The scatter
will likely increase with the inclusion of additional clusters,
which will be addressed in a future paper.

A spurious correlation between iron radius and jet power,
which depends on the volume of the cavities, could arise due
to the dependence of distance on both the linear diameter of

the cavity systems and the iron radius. This does not appear to
be the case. All of the clusters we considered here have been
exposed deeply with Chandra. We could have easily detected
cool, metal-rich gas on all spatial scales of interest here, and
at random angles with respect to the cavities and radio sources.
Hydra A, for example, has a complex cavity system that was cre-
ated by at least three separate outbursts or a continuous outburst
that has persisted for several hundred million years (Wise et al.
2007). The cavity systems considered separately have similar
jet powers, but their centers lie at very different radii between
25 kpc and 250 kpc. Nevertheless, Hydra A does not deviate
significantly from the trend in Figure 3, implying that the mea-
sured iron radius is not a simple function of cavity size alone. In
Figure 4, we have plotted the inner cavity position for all clusters
in our sample versus the iron radius. In all cases, the iron radius
lies beyond the inner cavities. This shows that the metallicity
outflows are not simply tracing the current generation of AGN
activity, but are maintained over multiple generations. The iron
radius may provide a reliable indicator of average jet power in
a cluster where cavity power measurements are ambiguous.

There are uncorrected systematic uncertainties in Figure 3.
We have made no attempt to measure the additional power
associated with shock fronts and faint ghost cavity systems,
which would be difficult to do for the entire sample. The total
jet power for objects such as MS0735 and Hydra A, which have
detected shock fronts at high significance, is under reported
here by roughly a factor of two (see McNamara & Nulsen 2007
for a discussion). Including energy from the shocks effects the
slope of the fit by ∼20%. We chose not to boost the power
of these systems to avoid biasing them with respect to other
systems. Thus, only cavity power is given here for consistency.
In addition, the iron radii given here are projected values. Their
true values may be underestimated in extreme cases by roughly
a factor of two, but typically by a few tens of percent. Errors of
this size will not change our basic result. We intend to explore
these issues in a future paper.

3.3. Alignment Between Metal Enhancements
and the Radio Orientation

We find that the high-metallicity gas outflow regions are
spatially aligned with the radio and X-ray cavity systems. Using
the metallicity maps, we have independently measured the
angle on the sky with respect to the center of the cluster of
the high metallicity gas outside of the cluster core. We have
also measured the mean position angle of the cavity system.
The position angle was measured using unsharp masks of each
cluster in order to estimate the locations of the centers of the
cavities. Finally, the angle of the extended radio emission was
determined for those systems with resolved radio imagery. Using
330 MHz images, the radio angle was determined by bisecting
the radio emission on either side of the nucleus of the BCG.
We have plotted metal angle versus cavity center (blue squares)
and radio angle (red diamonds) in Figure 5. Both sets of points
are consistent with the dashed line of equality. In clusters with
calculated radio angles, all three quantities are in excellent
agreement with one another.

3.4. Comparison to Independent Metallicity
Measurements and to Simulations

Independent reports of metal-enriched outflows are consistent
with the trend shown in Figure 3. For example, the radial
abundance effect is seen in a relatively low S/N metallicity
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Figure 1. Three panels show the metallicity maps for clusters A262, Hydra A, and A1835, respectively. In all three cases, high metallicity gas (shown in yellow)
extends outward along the same axis of the cavity system (approximate size and location indicated by black circles). The black crosses indicate the approximate cluster
centers.

that optimizes the measurement of the spatial distribution of
the high metallicity gas for comparison to the radio sources.
The clusters that meet these criteria are A133, A262, Perseus,
MS0735.6+7421, Hydra A, M87, A1835, A2029, A2199, and
A2597. Each cluster observation was processed using version
4.1.2 of CIAO and the calibration database. Background flares
were excluded using standard filtering techniques, and point
sources were identified in the combined image of each cluster
using wavedetect, and removed. Blank-sky background files
were normalized to the source count rate in the 9.5–12 keV
band.

3. ANALYSIS

3.1. Metallicity Maps and Profiles

We present example metallicity maps for three clusters (A262,
Hydra A, A1835) in Figure 1. The combined exposures for
each cluster were binned using a weighted Voronoi tessellation
algorithm (Cappellari & Copin 2003; Diehl & Statler 2006).
With approximately 10,000 net counts or greater per bin,
spectra were extracted and weighted response matrices were
created using standard CIAO routines. A single temperature
plasma model with absorption (WABS×MEKAL) was fit over
the energy range 0.5–7 keV. Temperature, abundance, and
normalization were allowed to vary with the column density
frozen at the values quoted by Dickey & Lockman (1990). The
internal ratio between metals was set to the solar photospheric
values of Grevesse & Sauval (1998). Allowing the α-elements
to vary independently does not show any significant effect on
the outcome of the iron abundance measurement, therefore we
have chosen to use the simple model. The spectra are reasonably
well fit by the single temperature model, with the exception of
the central region of A262. This region is better fit with a multi-
temperature model which finds a higher central metallicity value
(see Kirkpatrick et al. 2009b). However, this does not affect the
interpretation of our results as the central regions of the clusters
are not important for this analysis.

Metallicity profiles have been measured for each cluster.
Spectra were extracted from regions occupied by radio emission
and/or cavities in semi-annular-shaped bins. Each bin size was
determined by requiring a minimum S/N of 140, which achieves
uncertainties of approximately 0.05 Z⊙. A high S/N is required
to find deviations between the profiles along and orthogonal to
the radio cavity system. These orthogonal profiles, which we
consider to represent the undisturbed region of the cluster, are

Figure 2. Each panel represents metallicity profiles along and orthogonal to the
radio axis for each cluster. The red square points represent the metallicity along
the axis of the radio cavity system, and the blue triangular points represent the
undisturbed region of each cluster. The dashed vertical line represents the iron
radius.

extracted using the same bin width as the radio cavity system
profile. The S/N for these regions is usually greater than 140
due to larger angular sizes. All profiles are fit using the same
model as the two-dimensional analysis.

3.2. Pjet–RFe Scaling Relation

The radial profiles for A262, Hydra A, and A1835 are
presented in Figure 2. The red squares represent the metallicity
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Fig. 10. Fe map determined from the wdem model. Beyond the expected
radial gradient, one clearly sees the enhancement in Fe abundance in the
arms, especially within the E radio lobe. The half-light radius of M 87
is marked with a black circle, the 90 cm radio contours are over-plotted
in white.

Because of the good statistics around the Fe-L line complex,
the Fe abundance is usually determined with the lowest statis-
tical errors. We present a map of the Fe abundance determined
from the wdem model in Fig. 10. As expected from previous
work (e.g. Matsushita et al. 2003), a radial gradient is apparent.
Beyond this radial trend however, deviations associated with the
inner radio lobes can be seen as clear evidence of the influence
of the AGN on the spatial distribution and transport of metals.
The best region to illustrate this is the eastern lobe, which from
the “mushroom-cloud” shape in the radio image appears as a
more undisturbed system than the SW lobe. Here, one clearly
sees a stem-shaped enhancement in the Fe abundance which co-
incides very well with the rising plasma bubble. The SW lobe
also presents a higher metallicity with respect to the average ra-
dial profile, but this enhancement seems a bit less concentrated
than in the E lobe and is more difficult to see from the map in
Fig. 10. A more detailed quantitative analysis will be presented
in Sect. 6.1.

Since the Fe-L complex is very sensitive to the temperature
of the gas, one might question if and how the determined Fe
abundance systematically depends on the model involved. To an-
swer this, we plot in Fig. 11 the Fe abundance determined from
the 2T and the wdem models. Reassuringly, the correlation be-
tween the two sets of fit values is very tight, which allows us to
be confident in the measured abundance trends.

5.2. Metal abundance patterns of different elements
in and outside the multi-temperature regions

The spatial distributions of other elements, especially S and Si
which have the next best determined abundances, are very simi-
lar to that of Fe. Thus, we chose not to include 2D maps for these

Fig. 11. Fe abundance determination with two different multi-
temperature models. The red line represents the function
Fe(wdem)= Fe(2T). It is easily seen that the abundance determi-
nations from the two models agree very well, with a very low scatter.
For clarity, only the points are plotted where the emission measure of
the cool component in the 2T fit and the fraction of cool gas in the
wdem fit were more than 3σ significant. We note, however, that the
correlation is equally strong also for all the other points in the maps.

elements but rather to plot their abundance trends relative to Fe.
We find that, while the overall abundance in the arms is higher,
the Fe, Si, S and O abundances correlate well both inside and
outside the radio lobe regions. The scatter in the O/Fe relation is
larger than for Si/Fe and the O/Fe slope is much shallower, but
we do see a small increase in the O abundance for higher Fe val-
ues. Therefore the cool gas must be enriched also with oxygen,
for example through stellar mass loss in the galaxy. Figure 12
shows a plot of the Si and O abundances against Fe, both for the
bins where the cool gas fraction was significant (marked with
special symbols) and for the rest of the bins in the fit. Since the
Si and S abundances are very similar, we do not add the S/Fe
data points to the plot for legibility. Both for Si/Fe and O/Fe we
see that the trend in the multi-temperature regions coincides well
with the trend outside the influence of gas-uplift by the radio
lobes (note that Gastaldello & Molendi 2002 also find a constant
ratio of O/Fe with radius in the inner 9′ of M 87). To quantify
this, we fitted a line to the O vs. Fe, Si vs. Fe and S vs. Fe data
points in and outside the arm regions. The best fit slopes are
given in Table 1. These slopes are expected to become different
at low values of the Fe abundance, where the contribution by
SNeIa goes to zero and the O/Fe and Si/Fe ratios are determined
by the pre-enrichment patterns of SNeII (for detailed discussion
of this see, e.g., Matsushita et al. 2003). With the bins included
in our plot in Fig. 12 however, we do not seem to reach down to
low enough Fe abundances to see this effect significantly.

As seen in Table 1, there are indications that Fe is slightly
more abundant in the multi-temperature regions (O/Fe, Si/Fe
and S/Fe are all smaller than in the single-temperature regions),
which would imply a more important relative contribution from
SNeIa, but none of these differences is more than 2σ significant.

M87

Relationship between metallicity and 
radio-mode AGN power 
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Beyond the sphere of influence of the BCG



78 Fe abundance 
measurements across the 
cluster at different radii and 
azimuths show strikingly 
uniform distribution 

How were the elements so 
evenly mixed?

Werner et al. 2013, Nature

The Perseus Cluster Suzaku Key Project



How did the Metals get from the Galaxies into the ICM?

AGN/Supernova winds Ram-pressure stripping



If metals got out of the galaxies recently, 
they should follow the light profile.The Astrophysical Journal, 764:147 (10pp), 2013 February 20 Matsushita et al.

Figure 8. Integrated K-band luminosity (thin solid line) and gas-mass profiles
of the Perseus cluster derived with XMM-Newton (bold solid line), and Suzaku
(E: red dotted line; NW: blue dashed line), integrated over the electron density
profiles, assuming spherical symmetry. The two vertical lines show r180⟨kT ⟩ and
r200⟨HE⟩.
(A color version of this figure is available in the online journal.)

Figure 9. Radial profiles of integrated gas-mass-to-light ratio with XMM (solid
line) and Suzaku (dashed line). Here, we used the weighted average of the E and
NW results of Suzaku.
(A color version of this figure is available in the online journal.)

in solar units. These values are consistent with the emission-
weighted average of the Si/Fe ratio of 0.99 ± 0.13 in solar units
of the Coma cluster within 0.5r180⟨kT ⟩. They are also consistent
with the values of ∼0.8 in solar units of those in clusters and
groups observed with Suzaku with ICM temperature less than
several keV (e.g., Matsushita et al. 2007b; Sato et al. 2007, 2008,
2009a, 2009b, 2010; Komiyama et al. 2009; Sakuma et al. 2011).

Based on the abundance ratios including Si and Fe, the contri-
bution from SNe Ia and SNecc were derived (e.g., Finoguenov
et al. 2000; de Plaa et al. 2007; Rasmussen & Ponman 2007;

Figure 10. Radial profiles of the cumulative IMLR with XMM (black closed
circles) and Suzaku (green open circles) and SMLR with XMM (red crosses).
Here, we used the weighted average of the E and NW results of Suzaku and
assumed spherical symmetry. The orange star indicates the SMLR assuming the
Si/Fe ratio beyond 0.5r180⟨kT ⟩ is 0.91 ± 0.08 in solar units.
(A color version of this figure is available in the online journal.)

Sato et al. 2007; de Grandi & Molendi 2009; Simionescu et al.
2009; Matsushita et al. 2013). Since Si and Fe were synthe-
sized by both SNe Ia and SNecc, the contribution of the two
types of SNe strongly depends on the adopted nucleosynthesis
model of SNe Ia. With the yields of SNecc with metallicity
= 0.02 by Nomoto et al. (2006), they found that by using the
classical deflagration model, W7 (Iwamoto et al. 1999), and a
delayed detonation (DD) model, WDD3 (Iwamoto et al. 1999),
for the theoretical SN Ia yield, over a half of the Fe and a few
tens of percent of Si in the ICM were synthesized in SNe Ia. By
adopting another DD model, WDD1 (Iwamoto et al. 1999), they
found that approximately half of the Si and most of the Fe come
from SNe Ia. Suzaku enabled us to measure O and Mg abun-
dances in the ICM outside cool cores of clusters and groups of
galaxies with ICM temperatures smaller than several keV. Sato
et al. (2007, 2009b, 2010) found that the mixture of yields of
the W7 model and SNecc gave better fits of the observed abun-
dance pattern of O, Mg, Si, S, and Fe in the ICM observed with
Suzaku than for the WDD1 model and SNecc. The number ratio
of SNecc and SNe Ia to synthesize metals in the ICM was also
estimated with Suzaku and XMM data (e.g., de Plaa et al. 2007;
de Grandi & Molendi 2009; Simionescu et al. 2009; Sato et al.
2007, 2009b, 2010). Using the Suzaku results including O and
Mg, the number ratio of SNecc to SNe Ia was estimated to be
∼3.5 and ∼2, using the W7 and WDD1 models, respectively.

We also calculated yields mixtures of nucleosynthesis mod-
els. By adopting an Si/Fe ratio of 0.91 ± 0.08 in solar units
in the ICM of the Perseus cluster, and using the W7 model,
we find that 65%–74% and 23%–30% of Fe and Si, respec-
tively, were synthesized by SNe Ia. Using the WDD1 model,
80%–91% and 56%–75% of Fe and Si, respectively, originated
from SNe Ia. Here, we also used the yields of SNecc with metal-
licity = 0.02 by Nomoto et al. (2006). The difference in the
Si/Fe ratios in the yields of SNecc assuming a Salpeter IMF
and a top-heavy IMF and different nucleosynthesis models

7

Matsushita et al. 2013

W. Domainko et al.: Enrichment of the ICM by ram-pressure stripping 801

Fig. 6. Emission weighted metallicity maps of the model cluster. The size of the boxes is 5 Mpc on a side. The level of enrichment is given in solar
units.

Numerical simulations predict that ram 
pressure stripping should leave a 
centrally peaked and patchy metallicity.

Domainko et al. 2006

These predictions are contrary to observations!

P=ρICMv2/2



The uniform iron distribution in the ICM outside the zone of 
influence of the central galaxy suggests that galactic winds were 
mainly responsible for getting the metals out of the galaxies and 
into the IGM/ICM. These were most active at z~2.

Looking at the nearby Universe helps us to learn what happened when the cosmos 
was only a quarter of its present age!



The Universe in a coffee cup

The elements didn’t just leave the galaxies; they also got thoroughly 
mixed with the gas that was between the galaxies at that era, and which 
was mostly made of only hydrogen and helium (the two elements made 
during the Big Bang.)

many SNIa must have exploded early on to produce all the Fe!



SDSS2 Supernova Delay Time Distribution 9

Figure 1. Recovered SN Ia DTD for the SDSS2 SN sample. Filled red circles mark the best-fit DTD values for each time bin, whose
time range is indicated by the horizontal error bars. Vertical error bars show the Gaussian 1σ uncertainties. Red dashed line is the best
power-law fit, with index −1.12, to the recovered DTD. Previous DTD measurements also shown are: M11 analysis of the nearby LOSS
sample (empty blue squares, with central values slightly shifted to the left, for clarity); Maoz et al. (2010) analysis based on SN Ia rates
in galaxy clusters (empty black circles); and t−1 power law DTD found by Graur et al. (2011), based on comparison of volumetric SN
Ia rates and cosmic SFH (solid green line, with dotted lines marking the 1σ range).

in level with the DTD level at long delays found by Graur
et al. (2011) from comparison of volumetric SN Ia rates to
cosmic SFH. Our result thus revives previous speculation
that the SN Ia rate in old populations may be enhanced by
a factor of a few in cluster environments, compared to field
environments (Sharon et al. 2007; Mannucci et al. 2008). The
intermediate Ψ3 value found in M11 could be due to a rela-
tively large fraction of LOSS galaxies in clusters. Among all
the LOSS galaxies, 20% are in galaxy clusters that are listed
in the NED database, based on the same criteria as applied
in Mannucci et al. (2008; projected separation < 1.5 Mpc,
redshift difference < 1000 km s−1). The fraction of the early-
type LOSS galaxies in clusters will be higher. Assuming the
SDSS2 galaxy sample, in contrast, is dominated by a field
population, a factor-few enhancement of the SN Ia rate in
clusters could lead to the higher Ψ3 value measured in M11,
compared to here. We defer to future work a more detailed
examination of this possibility regarding the LOSS sample.

It is important to note that the errors shown in Fig. 1
are statistical only. A systematic source of error, one that
is difficult to estimate, is associated with the SFH recon-
struction of each galaxy (see Tojeiro et al. 2009, M11, and
Section 4.3, below).

We have used χ2 minimization to fit model power-law
functions, Ψ(t) ∝ tβ , to the recovered binned DTD, with the
amplitude and the power-law index as free parameters. The
model is averaged over each time bin, to obtain the value
that is compared to the observed DTD value for that bin.
The best-fitting power-law has an index of β = −1.12±0.08.

Our result augments a growing number of indications for a
DTD that is a power law with a slope of ∼ −1. However,
Fig. 1 suggests that a better description may be a function
that steepens somewhat at long delays, compared to a sin-
gle power law. Further studying the DTD at such a level of
detail will require better temporal resolution. The present
three-bin time resolution is dictated by the spectral resolu-
tion and the signal-to-noise ratio of the SDSS spectra.

4.2 SN Ia production efficiency

As discussed in Maoz & Mannuci (2012), and references
therein, another interesting observable is the DTD normal-
ization. It can be discussed in the context of the integral of
the DTD over the age of the universe, t0,

NSN/M =

! t0

0

Ψ(t) dt, (9)

which gives the total number of SNe that eventually explode,
per unit stellar mass formed in a short burst of star forma-
tion. The integral in Eq. 9 can be approximated by a sum
over the binned DTD,

NSN/M ≈
"

j=1,K

Ψj∆tj . (10)

From the simulations described in M11, for declining power-
law DTDs represented with three time bins, Eq. 10 typically
underestimates NSN/M systematically by ∼ 10− 20%.

For the SDSS2 sample, we obtain NIa/M = 0.00130 ±

c⃝ 0000 RAS, MNRAS 000, 000–000

Most SNIa do in fact 
explode within a few Gyr 
after the star formation 

event. Many of the stars 
that formed around ~12 
billion years ago could 

have enriched their 
environment  

with Fe-peak elements 
before z~2.

Maoz et al. 2012, using SDSS data (red points)

Supernova delay time distribution 
measurements
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Figure 4. Top Panel: The metallicity distribution of the XQ-100
DLAs. The solid red line outlines the total metallicity distribu-
tion of the XQ-100 sample, whereas the shaded regions within
each bin show the distribution of elements used as the metallicity
indicator for the DLAs. The metallicity distribution of the lit-
erature DLA sample is shown by the black dashed line. Bottom
Panel: The distribution of the XQ-100 (red circles) and literature
DLAs (black points) in metallicity-redshift space.

�[↵/Fe] for both the MDLA and control samples. The p-
value from the Anderson-Darling (AD) test (pAD)

8 rejects
the null hypothesis that the two samples are drawn from
the same parent sample at ⇠ 31% confidence, suggesting
MDLAs likely do not show any deficit (or enhancement) in
[↵/Fe] relative to the typical DLA.

We note that the Berg et al. (2015a) literature sample
includes surveys that have purposefully observed DLAs of
specific properties and may have a biased representation of
these properties, such as high or low metallicity. As a test of
robustness of these results, we limited the control-matched
samples to DLAs from the relatively unbiased Rafelski et al.
(2012) literature sample, and re-computed �[↵/Fe]. Only 6
of the 27 MDLAs were matched, and still showed no deficit
in [↵/Fe] (pAD ⇠ 0.86).

We note that the upper velocity limit of MDLAs defined
in Lopez & Ellison (2003, 10000km s�1) is much larger than
the typical galaxy cluster velocity dispersion (values are typ-
ically smaller than 2000 km s�1; Ruel et al. 2014). Reduc-
ing the definition of an MDLA to a separation of 2000 km
s�1 limits the sample to one MDLA system, which shows
a �[↵/Fe] of ⇠ +0.2dex. Unfortunately more MDLAs are
required to further test if a smaller velocity separation does
have an impact on the MDLA abundances.

8 We preferentially use the AD test over a KS test as the AD
test is independent of the shape of the distribution, and is more
sensitive to discrepancies in the tails of the distribution.

Figure 5. The relative change in [↵/Fe] for MDLAs (�[↵/Fe])
as a function of logN(Hi). The left panel show �[↵/Fe] in MDLA
sightlines compared to the control-matched sample (small grey
points). For reference, the MDLAs observed in Lopez & Ellison
(2003) are shown as large squares. The colour of the MDLA points
represent the velocity separation of the DLAs along the sightline.
The right panel shows the distribution of �[↵/Fe] for the MDLA
(red) and control (grey) samples. The p-value from the Anderson-
Darling test for the two MDLA samples relative to the control
sample is displayed; suggesting that the MDLA and control DLAs
are likely drawn from the same parent sample.

3.3 Proximate DLAs

The XQ-100 DLA catalogue from Sánchez-Ramı́rez et al.
(2016) showed that five DLAs are PDLAs (�v 6 5000 km
s�1 from the host QSO). The properties of the complete set
of associated absorbers in XQ-100, not just limited to DLAs,
can be found in Perrotta et al. (2016). With the addition of
41 PDLAs in the literature sample (Berg et al. 2015a), we
test the e↵ect of proximity of a DLA to its host QSO for
46 absorbers. Improving upon the analysis of 16 PDLAs in
Ellison et al. (2010), we compare the relative abundance of
a given PDLA to a control-matched sample of intervening
DLAs.

The control matching was undertaken in an identical
manner as for the MDLAs, with the exception that DLAs
were matched by logN(Hi) and redshift. In addition, we re-
quire the control sample to have at least five measured abun-
dances for each of the following elements: S, Si, Fe, and Zn9.
The tolerance for the logN(Hi) match was set by the error
in the PDLA’s logN(Hi). If required, the logN(Hi) selection

9 The requirement of having five abundances for each element
is the most restrictive criterion; but is required to ensure that
DLAs are compared to the same control pool for each element.
Without this criterion, all matching is completed within at most
four expansions.

c� 0000 RAS, MNRAS 000, 000–000

Is there evidence for a redshift evolution of the metallicity?

AN header will be provided by the publisher 5

Fig. 5 Measured abundances versus redshift for a sample
of intermediate redshift clusters. The top panel shows the
abundances measured up to 0.6R500 and the bottom panel
the results when the core of the cluster is ignored. Adapted
from Baldi et al. (2012).

et al. (2012) recently reported that they could not confirm
the trend found by Balestra et al. (2007), because of the
high level of scatter in the data points (see Figure 5). Re-
moving the cool cores in the spectral analysis just had a
limited effect on the amount of scatter and did not allow
them to draw firm conclusions. Since these measurements
still only sample the tail of the SNIa delay-time distribu-
tion that originates at z = 2 − 3, a strong trend may not
be expected. Clearly, instruments with a much higher effec-
tive area are needed to reduce the statistical errors on these
measurements.

4 Discussion and future prospects

X-ray spectroscopy of clusters of galaxies has proved to be
a useful tool to study the enrichment history of the hot ICM,
but the field is still in its early stages of development. Using
current instruments, it is possible to measure the abundance
of about 10 elements with an accuracy of 20–30% if one
includes systematic errors (De Grandi & Molendi, 2009).
This appears to be a substantial systematic error, however,
the uncertainty in the supernova yields, given by the spread
in supernovamodels, is sometimesmore than a factor of two
for certain elements. This means that even with these sys-
tematic uncertainties, the measurements can put constraints
on supernova models and the IMF.

There are two main sources of systematic errors in abun-
dancemeasurements: the atomic data in spectroscopic codes
and instrument calibration issues. A third one can be intro-
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Fig. 6 Simulated Astro-H micro-calorimeter spectrum of
Abell 1795 compared to an XMM-Newton EPIC MOS
spectrum. The spectra were calculated using an updated ver-
sion of the atomic database in SPEX including trace ele-
ments, like Cl, K, Ti, Cr, and Mn.

duced when the multi-temperature structure in the gas is
not taken properly into account in the spectral fit (Buote
& Fabian 1998). Both the systematics in the atomic data
and the calibration depend very much on the specific tran-
sition and wavelength of the line. The silicon abundance,
for example, is mainly determined by measuring the Si XIV
lines at about 2.0 keV, which is very close to the Au-edge
of the mirror and Si-edge of the detector. This is a very
challenging wavelength band to calibrate accurately. In this
case, the Si XIV lines are well characterized in the atomic
database, while there are also other lines from, for example,
Fe XVII that have a much larger uncertainty in their oscil-
lator strengths (de Plaa et al., 2012). It is very important to
understand the systematics for each measured element indi-
vidually to assess the quality of the supernova fits.

In general, most of the measured abundances have a sys-
tematic uncertainty that is lower than or not much higher
than 20%, which is still much better than the scatter in the
models. To beat down these systematic errors, investments
have to be made in the development of spectral codes and
their underlying atomic data. In addition, a high level of cal-
ibration accuracy is to be pursued to improve the abundance
accuracy both for current and future missions.

4.1 Future prospects

The next leap forwardwill be made using micro-calorimeter
technology, which will allow spatially resolved high-reso-
lution X-ray spectroscopy of extended sources. This type
of sensor, which will be flown on Astro-H (Takahashi et
al. 2010), has a typical resolution of a few eV across the
soft X-ray band. With this technology, it will be possible
to resolve lines from less abundant elements, like sodium,
chromium, and manganese (see Fig 6). Knowledge about

Copyright line will be provided by the publisher
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Sample of 245 RASS and SPT clusters 
observed with Chandra, 0.1-0.5R500



Suzaku Key Project Survey of the 
Virgo Cluster of Galaxies

!

• Virgo is the nearest cluster of galaxies to us	

• it was observed with Suzaku for over 1Ms (two 
weeks) in 65 different pointings along 4 
directions	

• it has a lower temperature than the Perseus 
Cluster, so that lines from Mg, Si, S are relatively 
stronger



Mg, Si, S, Fe detected over an area that is 
10 million light years across! 
!
The composition is the same as our Sun 
(12-18% SNIa/SNtot; Sun: 15%). 
!
This volume is large enough to represent the 
average composition of the entire Universe.

The average chemical composition of our Universe on the largest scales  
is the same as that of our Sun

Simionescu et al. 2015



The same chemical composition that allowed life like ours to develop  
in the Solar System is found across the Universe

©Rogelio Bernal Andreo

©Jschulman555

the Sun Milky Way Virgo Cluster centerM88 Suzaku’s data

Very few exceptions: very old stars formed more than 12 billion years ago (e.g. Galactic halo 
stars) and the ICM close to the brightest cluster galaxy.



Summary: how did the Universe forge the chemical elements required for 
life to evolve?

At first, Big Bang Nucleosynthesis produces 75% H 
and 25% He, very little other elements. 

The first stars form, and had a very short lifetime. They all 
exploded quickly as core-collapse supernovae, enriching 

their environment with mainly lighter elements.

Star formation continues (cooling is now easier due to metal lines). The most massive stars 
explode as supernovae within 10s of millions of years after their birth. The gas is enriched 

by SNcc products at first (e.g. Galactic halo stars). Some of the less massive stars explode 
as SNIa within a few billions of years later. 

3 min

~2-4 Gyr
Peak of the star formation and black hole activity. Many 

SNcc and SN~Ia explode (about 15% SNIa to total 
supernova explosions by number). Their products are driven 

into the intergalactic medium by quasar and supernova 
winds. The IGM is enriched to ~1/3 of the Solar value.

SNcc rate declines as the star formation rate decreases. A fraction of SNIa with longer 
delay times still contribute to the enrichment (causing e.g. BCGs to have twice higher SNIa 

to total SN number contribution than the Sun).

200 Myr



Suggested essay topics

(1) Review the evidence for double degenerate or single degenerate 
scenarios for SNIa explosions. How are the metal yields different for 

these explosions? 
!

(2) Discuss in more detail how well ICM abundances are reproduced by 
a combination of SN models. Which chemical elements are well fit? 
Which are not, and why? Is it enough to use only one SNIa and one 

SNcc template, or do we need a variety of supernovae?

A&A proofs: manuscript no. Core_abundances-II_hk

10 15 20 25

0
1

2
3

X
/F

e
 a

b
u
n
d
a
n
ce

 r
a
tio

 (
p
ro

to
−

so
la

r)

Atomic Number

O Ne Mg Si S Ar Ca Cr Fe Ni

SNIa1−D models (Iwamoto et al. 1999)

2−D models (Maeda et al. 2010)

3−D models (Seitenzahl et al. 2013; Fink et al. 2014)

Deflagration

Delayed−detonation

Delayed−detonation (O−DDT)

10 15 20 25

0
5

1
0

X
/F

e
 a

b
u
n
d
a
n
ce

 r
a
tio

 (
p
ro

to
−

so
la

r)

Atomic Number

O Ne Mg Si S Ar Ca Cr Mn Fe Ni

SNcc Zinit = 0

Zinit = 0.001

Zinit = 0.004

Zinit = 0.008

Zinit = 0.02

Zinit = 0 (cut)

Fig. 2. Predicted X/Fe abundances from various SNIa and SNcc yield models. For comparison, the ICM average abundance ratios (inferred from
Paper I) are also plotted. Left: SNIa yield models: 1-D (W7 and WDD2 from Iwamoto et al. 1999), 2-D (C-DEF, C-DDT, and O-DDT from
Maeda et al. 2010), and 3-D (N100def and N100 from Fink et al. (2014) and Seitenzahl et al. (2013b), respectively) models are indicated in back,
red, and blue, respectively. A distinction is also made between the explosion models: deflagration (W7, C-DEF, and N100def; solid lines) and
delayed-detonation (dashed lines for WDD2, C-DDT, and N100; dash-dotted lines for O-DDT). The Mn/Fe ratio is not shown here because it
highly depends on the initial metallicity of SNIa progenitors (Sect. 3.2). Right: SNcc models, all taken from Nomoto et al. (2013), assuming a
Salpeter IMF. Various initial metallicities (Zinit) for SNcc progenitors are compared. The dashed line corresponds to the Z0_cut model (see text).

WDD and CDD models assume a delayed-detonation, with three
possible transition densities (⇢T,7, given in units of 107 g/cm3).
The models currently favoured by the supernova community are
the delayed-detonation models, and among these, WDD2 is usu-
ally preferred (Iwamoto et al. 1999).

A well-referenced set of SNcc models was given by Nomoto
et al. (2006) and has been recently updated by Nomoto et al.
(2013, hereafter the “Nomoto” models), who estimated nucle-
osynthesis products of a SNcc as a function of the mass and the
initial metallicity (Zinit = 0, 0.001, 0.004, 0.008, or 0.02) of its
progenitor. In order to estimate the total yield mass Mi,SNcc of the
i-th element coming from SNcc explosions, we integrate these
models (following Tsujimoto et al. 1995) over a power-law IMF
between 10–40 M� (or 10–140 M� when Zinit = 0; Nomoto et al.
2013), as

Mi,SNcc =

R (1)40M�
10M�

Mi(m) m�(1+x) dm
R (1)40M�

10M�
m�(1+x) dm

, (3)

where Mi(m) is the mass yield of the i-th element at a given mass
m of the main sequence progenitor and x is the power index of
the IMF. Here we assume that the fraction of metals resulting
from the SNcc enrichment have been generated by a population
of massive stars having a Salpeter IMF (x = 1.35) and sharing
a common Zinit. We note that in the case Zinit = 0, the stellar
yields beyond 40 M� are available for 100 M� and 140 M� only.
Consequently, a precise integration over the IMF (Eq. 3) within
the 40–140 M� range is not trivial, and the IMF-weighted abun-
dance ratios of the Z0 model might be somewhat altered by the
choice of the mass binning. For this reason, in the following we
also consider the Z0_cut model, similar to the Z0 model, but re-
stricted to 40 M� (Table B.1 and Fig. 2 left; see also Nomoto
et al. 2006).

Considering all the possible combinations of a Classical
SNIa model plus a Nomoto SNcc model, our best fit (Fig. 3)
is reached for a WDD2 model and a SNcc initial metallicity
Zinit = 0.008. With a reduced �2 of ⇠2.8, this fit is quite poor. In
particular, the Ar/Fe, Ca/Fe, and Ni/Fe ratios are underestimated

Fig. 3. Average abundance ratios versus atomic numbers in the average
ICM abundance pattern (Paper I). The histograms show the yields con-
tribution of a best-fit combination of one Classical SNIa model (WDD2)
and one Nomoto SNcc (Zinit = 0.008, and Salpeter IMF) model.

with >1�, >3�, and >2� respectively, while Si/Fe is overesti-
mated with >2�. In Table 1 (top panel) we indicate the five best
fits (including this one) that we find with this Classical combina-
tion of models, as well as their respective estimated SN fractions.
The errors on the SN fractions are typically about ±5–6%. Al-
though all these fits are poor, the delayed-detonation models are
always favoured. The SNIa rates are always comparable, rang-
ing between ⇠29% and ⇠35%. We note that the WDD2 model
with Z = 0.02 used in de Plaa et al. (2007) has a reduced �2

of ⇠2.9, and also shows clear discrepancies in Ca/Fe (>3�), and
Ni/Fe (>2�). Clearly, these combinations fail to reproduce our
measured ICM abundance pattern.
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