
Lecture III 
The largest structures in the Universe



Recap from Lecture 2:

We used the non relativistic fluid approximation  
and the conservation of mass, momentum, and Poisson equations. 

We considered the evolution of small perturbations around the 
equilibrium solutions for these three equations.  

In non-expanding space:

79 4. Cosmological Perturbation Theory

Static space with gravity

Now we turn on gravity. Eq. (4.1.7) then gets a source term
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where we have used the perturbed Poisson equation, r2�� = 4⇡G�⇢. This is still solved by
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We see that there is a critical wavenumber for which the frequency of oscillations is zero:
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For small scales (i.e. large wavenumber), k > kJ, the pressure dominates and we find the same

oscillations as before. However, on large scales, k < kJ, gravity dominates, the frequency !

becomes imaginary and the fluctuations grow exponentially. The crossover happens at the Jeans’

length
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Expanding space

In an expanding space, we have the usual relationship between physical coordinates r and

comoving coordinates x,

r(t) = a(t)x . (4.1.15)

The velocity field is then given by

u(t) = ṙ = Hr + v , (4.1.16)

where Hr is the Hubble flow and v = aẋ is the proper velocity. In a static spacetime, the time

and space derivates defined from t and r were independent. In an expanding spacetime this is

not the case anymore. It is then convenient to use space derivatives defined with respect to the

comoving coordinates x, which we denote by r
x

. Using (4.1.15), we have

r
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The relationship between time derivatives at fixed r and at fixed x is
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From now on, we will drop the subscripts x.
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From now on, we will drop the subscripts x.

Small scales oscillate with frequency
Large scales grow exponentially above the critical Jeans length

In expanding space: 
(1) Jeans length depends on time because density and sound 

speed now depend on time  
(2) “Friction term” makes fluctuations below Jeans length oscillate 

with decreasing amplitude, while above Jeans length they grow 
as a power-law rather than exponential 



Volumes that undergo gravitational collapse can be treated as isolated 
(~uniform) closed universes with k>0.  

At virialization, they reach an average density 180 times higher than the 
expanding, near-critical density (k=0) background universe.

Recap from Lecture 2:
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Let n̄ be the average number density of galaxies. The probability of finding

a galaxy in the volume element dV is:

P1 = n̄dV

The probability of finding a galaxy in the volume element dV at location x and

another galaxy at location y is:

P2 = (n̄dV )

2
[1 + ⇠(x,y)]

If the galaxies are uncorrelated, P2 = (P1)
2
and ⇠ = 0. For a statistically

homogeneous and isotropic universe, ⇠ can only depend on r = |x� y|.
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size

time

expansion of the flat
background universe

closed universe solution
for exact spherical 
symmetry

solution for a realistic
overdensity with some
aspherical perturbation

Schematic evolution:
• Density contrast grows as universe expands
• Perturbation `turns around’ at R = Rturn, t = tturn
• If exactly spherical, collapses to a point at t = 2 tturn
• Realistically, bounces and virializes at radius R = Rvirial

ASTR 3830: Spring 2004

expansion of flat background universe

closed universe solution 

collapse and virialization

tturnaround

Press-Schechter formalism: combine 
linear growth and spherical collapse to 
predict number of haloes of a certain 

mass versus time. Hierarchical 
structure formation: largest objects 

form last.



Zoom-in to the 
Millennium II 
simulation 

Boylan-Kolchin et 
al. 2009 

!
[total mass only]

This is 
approximately the 

volume that is 
virialized



This class:!
What do the largest collapsed, 

virialized objects in the present-
day universe actually look like in 

real life?



The most prominent structures in the cosmic web
• Galaxy clusters are the largest galaxy overdensities in the cosmic 

web. Typically 100s to 1000s of luminous galaxies over volumes a few 
Mpc across (by comparison, 3 galaxies in the Local Group that is 
similar in size). 

• Less massive than superclusters (which are not yet virialized) and 
more massive than groups of galaxies. Usually close to virial 
equilibrium. Higher fraction of elliptical galaxies than in groups.

Abell 383

• The space between the 
galaxies is filled with 
diffuse, X-ray emitting 
plasma with typical 
temperatures of 107 to108K 
and densities 10-2 to 10-4 

cm-3 (best vacuum on 
Earth has 100 atoms per 
cubic centimetre!!!) 



The distribution of baryons in clusters of galaxies

From the X-ray emissivity, the density and mass of X-ray emitting gas 
can be calculated and compared to mass of stars seen in optical light 

reasons discussed below, we conclude that there is no compelling
case for undetected baryons in the groups and clusters in our sample.

We fit the behavior of the stellar and X-ray gas mass fractions
withmass as power laws (Fig. 2, top).Within r500, the stars result in
a relationship log f! ¼ (7:57 # 0:08)$ (0:64 # 0:13) logM500

and the plasma in log fg¼($3:87#0:04)þ (0:20# 0:05)logM500

for the sample of Vikhlinin et al. (2006).5 Note that while this fit
applies only to theVikhlinin et al. (2006) data set, the Gastaldello
et al. (2006) points in Figure 2 are consistent with this relation.
The behavior of the two components is clearly inverted. The plasma
component, which dominates at cluster masses >1014 M&, has a
shallower dependence on mass than the stellar component. We
use our best-fit relation for the stellar mass to convert the X-ray
gas fractions from Vikhlinin et al. (2006) and Gastaldello et al.
(2006) to total baryon fractions on a cluster-by-cluster basis. The
resulting total baryon fractions, shown in the bottom panel of
Figure 2, are independent of cluster mass over the range ofM500

from 6 ; 1013 to 1015 M&. If one considers only the statistical
uncertainties associated with our total cluster baryon fraction and
the WMAP measurement, then the two values are discrepant at
the level of 3.2 !.

There are three possible interpretations of this result in the
context of a full baryon accounting. First, systematic uncertain-
ties may be significantly larger than the random errors, and our
measurementmay therefore be consistentwith the universalWMAP
value. Because the gas mass fraction is much larger than the stel-
lar mass fraction over the majority of the mass range we probe,
we focus this discussion on potential errors in the gas mass frac-
tion. Systematic errors, by their nature, are often difficult to calcu-
late and can best be illuminated by comparing independent studies.
Zhang et al. (2007) and Rasmussen & Ponman (2004) provide
gas mass fractions for high- and low-mass systems, respectively.
Zhang et al. (2007) find gas fractions that are 15% larger than those
we adopted over the range probed by their sample. Rasmussen &
Ponman (2004) also find gas fractions that are larger than those
we adopted for comparably low mass systems. Together, these
two samples cover the mass range of our adopted sample and
result in an average fb ¼ 0:149, which is 2.1 ! discrepant with
the WMAP value and 12% larger than the fb we derive for the
Vikhlinin et al. (2006) data set. We conclude that indeed the sys-
tematic uncertainties dominate, that the sense of the uncertainty
works to diminish the discrepancy between measurements and
expectations, and that the case for undetected baryon compo-
nents rests on removing these systematic uncertainties. Second,
the baryon mass fraction with r500 in clusters may be different
from the universal value. Cluster simulations routinely predict
baryon fractions that are lower than the universal baryon fraction
by '10%. We have deliberately not adopted any of those as the
target because there are still a minority of simulations that predict
a baryon fraction larger than universal (e.g., Kravtsov et al. 2005).
Third, the shortfall may be resolved by yet undetected baryon
components. The constancy of the measured baryon fraction with
total system mass argues against a large undetected component,
but one could contribute at a modest level and bypass current
detection. In the end, all of these possibilities may contribute at
some level to a final resolution of the baryon accounting, but
at this point we are left to conclude that there is no compelling
evidence for undetected baryons.

We close this section by comparing our study to that of Lin
et al. (2003), who obtained a dependence of the baryon fraction
on cluster mass in conflict with our result. The range of masses
covered by the two studies is the same, and we both use r500 as
our fiducial radius, so the discrepancy is real. The most obvious
differences are our inclusion of the ICL component and our dif-
ferent normalization of the gaseous component. We model the
effect of including the ICL in their accounting by using our rela-
tionship for theBCG+ICLmass versus systemmass and ‘‘correct-
ing’’ their values of the baryon fraction on a cluster-by-cluster
basis.6 The relationship between baryon fraction and mass de-
creases from a '3 ! result in the original Lin et al. (2003) study
to a 1.8 ! result in the corrected case. Therefore, the inclusion
of the ICL explains part of the discrepancy between our result
and that of Lin et al. (2003), although apparently not all of it.
The lack of the ICL in the Lin et al. (2003) accounting was not an
oversight—they attempted to model the effect of the ICL in Lin
& Mohr (2004), but simply lacked data of the sort we present
here. While the exclusion of the ICL causes a relative under-
prediction of the contribution of stellar baryons for the lowest
mass systems, the Lin et al. adopted X-ray gas fractions, which
are'25% larger than ours and hence consistent with theWMAP
baryon mass fraction for the most massive systems, cause a rela-
tive overprediction of baryons in the highest mass systems. These

Fig. 2.—Top: Determination of cluster and group baryon fractions within r500
as a function ofM500 (bottom axis) and velocity dispersion (top axis). X-ray gas
mass fractions from Vikhlinin et al. (2006; circles) and Gastaldello et al. (2006;
triangles) and the stellarmass fractions (BCG+ICL+galaxies; squares) for systems
in our sample with masses that overlap the range shown for the X-ray studies.
All measurements are within r500. Overplotted are the best-fit relations for the
Vikhlinin et al. (2006) sample gas mass fractions and for our stellar mass frac-
tions. The WMAP 1 ! confidence region for the universal baryon fraction from
Spergel et al. (2006) is shown for comparison, and the right-hand axis shows Y,
the ratio of the baryon fraction for each component to the universal value from
WMAP. Bottom: The total baryon fraction derived for the Vikhlinin et al. (2006)
and Gastaldello et al. (2006) clusters if our best-fit stellar baryon relation is used
to estimate a stellar baryon contribution for each of these systems. The weighted
mean for the sample (dashed line) is !b /!m ¼ 0:133 # 0:004. We observe no
trend in baryon fraction with cluster mass. The error bars on the individual data
points and the weighted mean include only statistical uncertainties. The un-
weighted mean for the combined Zhang et al. (2007) and Rasmussen & Ponman
(2004) samples (dotted line) is included to provide a sense of the systematic
uncertainties. [See the electronic edition of the Journal for a color version of this
figure.]

5 Note that while this fit applies only to the Vikhlinin et al. (2006) data set , the
Gastaldello et al. (2006) points in Fig. 2 are consistent with this relation.

6 This is a slight ('20%) overcorrection because it includes the BCG,
which Lin et al. (2003) had already included.
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Gonzalez et al. 2007

In massive clusters, only ~10% 
of the baryons are in stars, the 
rest is in the form of hot X-ray 

gas!! 
!

Observations of diffuse ICM are 
important for tracing Large-

Scale Structure formation and 
evolution.



X-ray emission mechanism

The dominant emission mechanism is optically thin bremsstrahlung 
from a collisionally ionised hot gas. Electrons are accelerated in the 
Coulomb field of protons/nuclei and emit radiation. From the spectrum 
of this X-ray emission, the density and temperature can be determined. 

The emitted power per unit volume per unit frequency is:

gff is a dimensionless quantum mechanical correction factor of order 1, called “Gaunt factor”
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Let n̄ be the average number density of galaxies. The probability of finding

a galaxy in the volume element dV is:

P1 = n̄dV

The probability of finding a galaxy in the volume element dV at location x and

another galaxy at location y is:

P2 = (n̄dV )
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If the galaxies are uncorrelated, P2 = (P1)
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and ⇠ = 0. For a statistically

homogeneous and isotropic universe, ⇠ can only depend on r = |x� y|.
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1. free-free emission

2. free-bound emission
recombination radiation caused by the capture of an electron by an ion 
following ionization.

Both processes generate continuum radiation



3. bound-bound emission
Emission at specific energies corresponding to the transition between an upper shell and a 
lower shell of a particular ion in the plasma.  
Generates line emission, with the exception of the radiative transition from the 2s to the 1s 
state, which is completely forbidden by angular momentum conservation, but can happen 
as very slow two-photon process (continuum spectrum). 
Ratio of line strengths, in addition to shape of continuum, is a temperature diagnostic.

Boehringer and 
Werner 2010
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Fig. 6 X-ray spectra for solar abundance at different plasma temperatures. The continuum contributions
from bremsstrahlung (blue), recombination radiation, characterized by the sharp ionization edges (green),
and 2-photon radiation (red) are indicated. At the highest temperatures relevant for massive clusters of gal-
axies bremsstrahlung is the dominant radiation process (from the work described in Böhringer and Hensler
1989). The major emission lines in the panels for the higher temperatures relevant for galaxy clusters are
designated by the elements from which they originate (The labels Fe-L ans Si-L refer to transitions into the
L-shell in ions of Fe and Si, respectively, and two other lines with roman numbers carry the designation of
the ions from which they originate involving transitions within the L-shells

emission from bremsstrahlung, recombination and two-photon transitions. We clearly
see the increasing dominance of bremsstrahlung with increasing temperature, which
reflects the fact that fewer ions retain electrons and the plasma is almost completely
ionized at the higher temperatures.

3 The study of the thermal structure of the intracluster medium

We have seen in the previous section that the shape of the spectrum for a thermal
equilibrium plasma is determined by the plasma temperature and the elemental abun-
dances. This is therefore the basic information we derive from the spectral analysis
of the ICM radiation: a temperature measurement and a chemical analysis. We con-
sequently illustrate in this, and the next chapter, the scientific insights gained from
temperature measurements from the state-of-the-art spectral analysis, and in Sect. 5
the lessons learned from the chemical analysis of the ICM.

123

brems
rec

2-phot
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Fig. 6.21 The cluster of galaxies
MS 1054!03 is, at z D 0:83, the
highest-redshift cluster in the
Einstein Medium Sensitivity
Survey, which was compiled
from observations with the
Einstein satellite (see Sect. 6.4.5).
On the right, an HST image of
the cluster is shown, while on the
left is an optical image, obtained
with the 2.2-m telescope of the
University of Hawaii, superposed
(in blue) with the X-ray emission
of the cluster measured with the
ROSAT-HRI. Credit: Megan
Donahue/STSCI, Isabella
Gioia/Univ. of Hawaii and NASA

tion gff is called Gaunt-factor; it is a quantum mechanical
correction factor of order 1, or, more precisely,

gff ! 3p
!
ln
!
9kBT

4hP"

"
:

Hence, the spectrum described by (6.31) is flat for hP" "
kBT , and exponentially decreasing for hP" & kBT , as is
displayed in Fig. 6.22.

The temperature of the gas in massive clusters is typically
T # 5 $ 107K, or kBT # 5 keV—X-ray astronomers
usually specify temperatures and frequencies in keV (see
Appendix C). For a thermal plasma with Solar abundances,
the total bremsstrahlung emission is

#ffD
Z 1

0

d"#ff"!3:0 $ 10!27
r
T

1K

# ne

1 cm!3

$2
erg cm!3s!1:

(6.32)

Line emission. The assumption that the X-ray emission
originates from a hot, diffuse gas (intracluster medium, ICM)
was confirmed by the discovery of line emission in the X-
ray spectrum of clusters. One of the most prominent lines in
massive clusters is located at energies just below 7 keV: it is
the Lyman-˛ (“K˛”) line of 25-fold ionized iron (thus, of an
iron nucleuswith only a single electron). Slightly less ionized
iron has a strong transition at somewhat lower energies of
E # 6:4 keV. Later, other lines were also discovered in
the X-ray spectrum of clusters. As a rule, the hotter the gas
is, thus the more completely ionized it is, the weaker the
line emission. The X-ray emission of clusters with relatively
low temperatures, kBT . 2 keV, is sometimes dominated
by line emission from highly ionized atoms (C, N, O, Ne,
Mg, Si, S, Ar, Ca, and a strong line complex of iron at

E # 1 keV—see Fig. 6.22). The emissivity of a thermal
plasma with Solar abundance and temperatures in the range
105K . T . 4 $ 107K can roughly be approximated by

# ! 6:2 $ 10!19
!
T

1K

"!0:6 # ne

1 cm!3

$2
erg cm!3 s!1 :

(6.33)

Equation (6.33) accounts for free-free emission as well as
line emission. Compared to (6.32), one finds a different
dependence on temperature: while the total emissivity for
bremsstrahlung is / T 1=2, it increases again towards lower
temperatures where the line emission becomes more impor-
tant (see also Fig. 10.3 for the temperature dependence of
the emissivity of a gas). It should be noted in particular that
the emissivity depends quadratically on the density of the
plasma, since both bremsstrahlung and the collisional exci-
tation responsible for line emission are two-body processes.
Thus in order to estimate the mass of the hot gas from its
X-ray luminosity, the spatial distribution of the gas needs
to be known. For example, if the gas in a cluster is locally
inhomogeneous, the value of

˝
n2e
˛
which determines the X-

ray emissivity may deviate significantly from hnei2. As we
will see later, clusters of galaxies satisfy a number of scaling
relations, and one relation between the gas mass and the X-
ray luminosity is found empirically, from which the gas mass
can be estimated. One finds that the mass in the intracluster
gas is about five to ten times larger than the mass of the
stars in the galaxies, where this ratio slightly increases with
increasing cluster mass.

Morphology of the X-ray emission. From the morphology
of their X-ray emission, one can roughly distinguish between

The emissivity of a plasma with solar 
abundances and temperature between 
105—4x107K can be approximated as:

X-ray emission mechanism



How to observe the X-ray Universe

IR, Visible, UV X-rays 

Reflection and Absorption 

Problem1: our atmosphere is opaque to UV, X-ray, Gamma-ray light 
Solution: go to space!

Problem 2: X-rays pass right through conventional mirrors 
Solution: “grazing incidence”

Wolter type I 
telescope design



Chandra X-ray Observatory
0.5” spatial resolution 

1.2m diameter but collecting area is 0.04m2 at 5 keV- only 20x20cm! 
launched 1999, still in operation 

elliptical orbit with apogee 135,000km and perigee 14,000km 
0.1-10 keV wavelength range, 10m focal length 

ACIS (Advanced CCD 
Imaging Spectrometer)!
Imaging and medium-

resolution spectroscopy 
ACIS-I (4 chips, 18x18’ FOV) or 

ACIS-S3 (8.3x8.3’) 
E/ΔE=10-20 (ΔE~150eV) 

!
High Resolution Camera  

(E/ΔE=1), 30x30’ FOV  
!

Transmission gratings  
made of free standing gold wires; 

E/ΔE=40-2000



XMM-Newton (X-ray Multi-Mirror)
effective area 1475cm2 at 1keV (38x38cm) 

3 telescopes, 58 shells each (!), 7.5m focal length 
launched 1999, still in operation 

elliptical orbit with apogee 113,000km and perigee 5,600km 
0.1-10 keV wavelength range  

spatial resolution 6-15”

3 EPIC (European Photon 
Imaging Camera) 

2 MOS (front illuminated),  
1 pn (back illuminated) 

30’ diameter of field of view 
E/ΔE=20-50 

!
Two reflection grating 
spectrometers (RGS) 

E/ΔE=600-1900



Suzaku

energy range from from soft X-rays up to gamma-rays (0.3–600 keV) 
operated between 2005-2015 

low-Earth orbit (550 km) - low instrumental background 
spatial resolution in soft X-rays 2’ HPD (higher energies non-focusing)

4 XIS  
(X-ray imaging spectrometers, 3 front 

illuminated + 1 back illuminated) 
combined effective area  

1100 cm2 @1keV 
18x18’ field of view 

E/ΔE=30-50 
!

HXD (hard X-ray detector):  
[no imaging] 

PIN (10-70keV, 34x34’, ΔE=4keV), 
GSO(40-600 keV, 4.5x4.5deg) 

effective area 160cm2 at 20 keV, 260 
cm2 at 100keV



Project Status since SM13 (Mar.2-4)

Project Status since SM13 (Mar.2-4)

Hitomi

Provided first high-resolution non-
dispersive X-ray spectroscopy 

using a micro calorimeter cooled to 
50mK 

E/ΔE=1340@FeK



Example Chandra images of  galaxy clusters



Typical X-ray spectrum of a galaxy cluster 
(folded through instrumental response)

2A0335 
(Werner et al. 

2006)

XMM-Newton RGS

XMM-Newton EPIC

Hitomi SXS (Perseus core)
We can measure 

density, temperature, 
metal abundances of 

ICM  
With higher spectral 

resolution, also 
velocity information!



Alternative way to measure properties of the hot gas  
in clusters of galaxies: the Sunyaev-Zel’dovich effect

Planck Collaboration: P. A. R. Ade et al.: SZ in Virgo as seen by Planck

Fig. 2. Left to right: Optical depth ⌧, dust temperature T (in kelvin), and spectral index �d of the dust component in the Virgo region.
Some clusters in this field of view (Coma to the North, Leo to the East, and Virgo near the centre) can be clearly spotted as artefacts
in the T and �d maps. The coordinates are Galactic and the field of view resembles that of Fig. 1 (31.�9) and other figures in this
paper.

ray-derived models and the SZ signal observed by Planck. The
relative proximity of Virgo means that at the resolution of Planck
any features larger than 26 kpc can potentially be resolved. This
is an unprecedented resolution for galaxy cluster studies. As op-
posed to other typical clusters, the geometry of Virgo reveals a
complex structure with di↵erent clumps being separated by up
to several megaparsecs (Jerjen et al., 2004).

At the centre of Virgo is M87, one of the most powerful
known AGN, flanked by two very luminous radio jets. The ra-
dio emission marks the regions where large amounts of energy
are being injected into the cluster medium. In X-rays, cold fronts
and shock waves have been identified that are also linked to the
extraordinary activity of the supermassive black hole at the cen-
tre of M87. Perhaps the clearest evidence of the extreme activity
surrounding M87 is the presence of radio lobes with a geometry
that suggests sub-sonic injection of colder gas into the intraclus-
ter medium (Churazov et al., 2001; Forman et al., 2007). The
activity of the AGN has an impact on the X-ray emissivity of the
surrounding gas at supergalactic scales.

As a theoretical counterpart, we use the Virgo cluster from a
constrained simulation of the local Universe. We adopt the ini-
tial conditions from Mathis et al. (2002), who perform N-body
numerical simulations and demonstrated that the evolved state of
these initial conditions provides a good match to the large-scale
structure observed in the local Universe. Here, many of the most
prominent nearby clusters (among them Virgo and Coma) can
be identified directly with halos in the simulations, with a good
agreement for sky position and virial mass. Dolag et al. (2005)
repeated these simulations including also the baryonic compo-
nent, demonstrating that the simulated SZ signal reproduces the
expected SZ signal. In this work we use a new simulation that
includes a wealth of physical processes known to be important
to reproduce realistic galaxy clusters, most importantly the feed-
back from star formation and from super-massive black holes.
We use an implementation that also matches various observed
properties of AGN, as described in the work of Hirschmann et al.
(2014), where details of the implemented physical processes can
be found.

This physical treatment within the simulations results in av-
eraged pressure profiles, which match well the observed ones

from Planck, as demonstrated in Planck Collaboration Int. V
(2013). However, one has to keep in mind that the uncertainties
in the construction of the initial conditions are still substantial,
so that the details of the Virgo cluster formed in the simulations
will be di↵erent from the real, observed one. Especially given
that the current state of the AGN in the centre of the simulated
Virgo cluster is not constrained at all, we therefore expect large
di↵erences particularly in the central part. Figure 1 shows the
region of the sky that contains the simulated Virgo and Coma
clusters in units of the Compton parameter, yc,

yc =
�T kB

me c2

Z
ne T dl (1)

where the integral is along the line of sight and �T, kB, me, ne,
and T are the Thomson cross section, Boltzmann constant, mass
of the electron, electron density, and electron temperature, re-
spectively.

The positions of Virgo and other simulated clusters in the
field of view in Fig. 1 are approximately the same as the actual
ones in the real world, as seen in previous studies (Mathis et al.,
2002; Dolag et al., 2005). The image shows the Compton pa-
rameter, yc, and has been saturated above yc = 6 ⇥ 10�6 for con-
trast purposes. When compared with Coma (the highest signal-
to-noise (S/N) SZ source in the sky), it is evident that despite
its low surface brightness, Virgo is expected to be the brightest
source in terms of integrated signal. Also from the same figure,
it is evident that the outskirts of the Virgo cluster cover a sig-
nificant area of many square degrees, where the elusive WHIM
could be detected after integrating over this large area. Some
evidence of its existence already exists from observations (e.g.,
Yoon et al., 2012).

The resolution of Planck does not allow us to study the pres-
sure profile of clusters in detail, since most of them appear un-
resolved or barely resolved. A few exceptions, like the Coma
cluster, have allowed a study of the pressure profile of clusters
in more detail (Planck Collaboration et al., 2013b). However,
Virgo is a significantly less massive cluster (for which SZ e↵ect
observations are rare) and o↵ers a unique opportunity to study
the pressure profile in a moderate-mass system, for which the
constraints are poor. The pressure profile has also been studied
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Let n̄ be the average number density of galaxies. The probability of finding

a galaxy in the volume element dV is:

P1 = n̄dV

The probability of finding a galaxy in the volume element dV at location x and

another galaxy at location y is:

P2 = (n̄dV )

2
[1 + ⇠(x,y)]

If the galaxies are uncorrelated, P2 = (P1)
2
and ⇠ = 0. For a statistically

homogeneous and isotropic universe, ⇠ can only depend on r = |x� y|.
�(x) = ⌃akcos(x · k)
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f(ν) in the non-relativistic Rayleigh-Jeans limit goes to -2
We can measure the 

line-of-sight integral of 
gas pressure.



Cosmic Microwave Background

(none of these satellites are operational any more)

launch 1989 launch 2001
launch  
2009



ACT (Atacama Cosmology Telescope)!
6m telescope 

Cerro Toco, Chile 
145 GHz, 215 GHz and 280 GHz

SPT (South Pole Telescope)!
10m telescope 

SPT-SZ: 95, 150, 220 GHz 
SPT-Pol: 90, 150 GHz

Probing the low-frequency tail of the Cosmic Microwave Background 
from the ground

(detectors are transition edge sensor bolometer arrays)



 IRAM (Institut de Radioastronomie Millimetrique): !
30m telescope in Spanish Sierra Nevada

Equipped with NIKA 2, a second generation Neel-IRAM-KID-Array,  
a dual band camera operating simultaneously at 150 and 260 GHz  

(since October 2015). 



ALMA (Atacama Large Millimeter Array) !
50 antennas of 12m, up to 16km baseline +ACA (ALMA Compact Array) of 
12 7m and 4 12m antennas. Excellent sensitivity and bandwidth (currently 

84-950 GHz, to be extended to 35 GHz by 2019). Chajnantor (Chile).



Images of Abell 2319 at seven frequencies as 
observed by Planck
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Fig. 3. Recovered flux and residuals of deconvolved images versus the
maximum scale of Gaussians used in Multi-Scale CLEAN. Wherever
smaller than the scale shown in the figure, Gaussians with FWHMs of
0, 5′′, 8′′, 13′′, 20′′, and 30′′ are also used in the deconvolution, i.e., the
smaller scale values are fixed for comparison. The plotted residual is
the rms value measured on a residual map after being corrected for
primary beam attenuation and smoothed with a Gaussian kernel to a
fixed resolution of 15′′ FWHM. Both flux and residuals are measured
within a diameter of 90′′ around the field center.

Narayan & Nityananda 1986; Sault 1990) in that it is free
from the positivity constraint.

There are some free parameters in Multi-Scale CLEAN,
such as the sizes of the Gaussian components used for
deconvolution and the scale bias parameter by which resid-
uals at different scales are weighted (Cornwell 2008).
Optimal choices of these parameters depend on the target
and the instrument in consideration. Having searched for a
combination of parameters that gives minimal residuals as
well as the maximal recovered flux, we adopt the scales [0,
5′′, 8′′, 13′′, 20′′, 30′′, 45′′] with the small-scale bias param-
eter of 0.4 as our fiducial choice. The scale 0 corresponds
to the size of a synthesized beam, i.e., the scale used in the
conventional (single-scale) CLEAN algorithm. We also use
a loop gain of 0.05 suitable for diffuse emission and a flux
threshold of 0.03 mJy (2.5 σ ); the flux threshold is reached
by fewer than 10000 iterations in all the cases presented in
this paper.

Figure 3 illustrates how the recovered flux and residuals
change as we successively add a larger scale in the deconvo-
lution. To examine the sensitivity to an extended signal, the
residual maps are smoothed by a Gaussian kernel to a reso-
lution of 15′′ FWHM and the rms values within a diameter
of 90′′ around the field center are plotted. They are com-
pared with the flux within the same region of the decon-
volved image. Converged results are obtained by taking the

Fig. 4. Deconvolved map of RX J1347.5−1145 by ALMA at the cen-
tral frequency of 92 GHz smoothed to have a symmetrical beam with
5′′ FWHM. Contours show 3, 5, 7, 9, 11, 13, and 15 σ statistical signifi-
cance levels with 1 σ = 0.017 mJy beam−1. The positions of the SZE peak
and the subtracted central AGN are marked by a cross and a diamond,
respectively.

largest scale to be between 40′′ and 50′′, corresponding to
the maximum recoverable scale for the shortest baseline
length of 2.1 kλ in the present data. We have also checked
that the deconvolved results are insensitive to the value of
the small-scale bias parameter as long as its value is less
than 0.8.

While the above procedure gives robust reconstruction
of the observed signal up to a spatial scale of ∼40′′, flux
at larger scale is still lost in currently available ALMA data
with no total power measurements. In what follows, we
focus on the results that can be derived solely at <40′′, and
discuss the degree of missing flux by means of simulations
separately in subsection 4.2.

3.4 The Sunyaev–Zel’dovich effect map of
RX J1347.5−1145

Figure 4 shows the deconvolved map smoothed to an effec-
tive beam size of 5′′ FWHM. The asymmetry of the synthe-
sized beam has been corrected, to study morphology of the
emission. Applying the same smoothing as was used with
the difference map shown in the right-hand panel of figure 2,
we measure the rms noise level of 0.017 mJy beam−1 over
a diameter of 90′′ around the field center. As described in
subsection 3.2, the rms values are nearly constant within
this diameter. We hence adopt 0.017 mJy beam−1 when
denoting the statistical significance within the same region
of the smoothed image.

RX J1347.5−1145:  
First SZ map with ALMA (5” resolution!)

Kitayama et al. 2016



Kinetic SZ effect
Additional distortion in the CMB spectrum (with different spectral shape 
than SZ effect) occurs when ICM has a significant velocity compared to 

CMB rest frame

R. Adam, I. Bartalucci, G.W. Pratt et al.: kSZ mapping toward MACS J0717.5+3745

Figure 5. Map of the thermal SZ e↵ect, ytSZ (left), and the kinetic SZ e↵ect, ykSZ (right). Gray contours are multiples of 1�, starting at ±2�.
The map e↵ective resolution, 22 arcsec, is shown as a white circle on the bottom left corner. Subcluster regions are represented in gray. The
positions of the identified point sources (see Section 3), from which mis-subtraction residuals remain a potential local contaminant to the signal,
are represented in light gray.

both positive. Therefore, if the calibration changes in the same
direction at both frequencies, the changes will accumulate in re-
gion B, and they will oppose each other in region C. Similarly,
if the calibration changes are opposite in sign, they will oppose
each other in region B, and they will accumulate in region C.
Therefore, summing the calibration uncertainties, the kSZ sig-
nal in region B can increase (or decrease) by 11.0% while it in-
creases (decrease) only by 8.2% in region C. Symmetrically, the
same is true when inverting B and C. Note that we apply a simple
sum of the calibration errors instead of a quadratic sum because
they are likely to be strongly correlated. This e↵ect will propa-
gate linearly to the constraint on the gas line-of-sight velocity in
Section 6, but it is small compared to the statistical uncertainties.
Similar arguments apply to the tSZ map.

The second systematic e↵ect is due to the uncertainty in the
derived X-ray temperature, and the assumption that the tempera-
ture is constant along the line-of-sight. In order to estimate how
changes in the temperature a↵ect our results, we reproduce the
kSZ map applying ±25% change in the normalization of the tem-
perature map (i.e., about twice the typical di↵erence between
XMM-Newton and Chandra). This allows us to test the system-
atic e↵ect responsible for the temperature di↵erence between
Chandra and XMM-Newton. We also add Gaussian noise of am-
plitude 3 keV at a resolution of 22 arcsec. Due to the fact that
the relativistic corrections are close to proportional in the two
NIKA bands, the changes in the temperature map lead to only
small changes in the kSZ significance, i.e. less than 0.15� for
the signal peaks. The absolute amplitude of the signal, however,
is a↵ected by up to 0.4� changes at the positive peak, which
correspond to hot gas in region C, where relativistic e↵ects are
important.

The third systematic e↵ect is due to the large angular scale
filtering that a↵ects the NIKA data. The filtering is the same in
the two bands, and as the quantities ytSZ and ykSZ are a linear
combination of the two NIKA maps, they are a↵ected by the
same filtering. Therefore, the tSZ and kSZ reconstructed signals
are smoothly apodized at scales larger than ⇠ 2 arcmin. The zero
level of the kSZ map is directly given by the respective zero
levels of the 150 and 260 GHz map, being set to zero in the
external regions of the map, as detailed in Section 2.2. While an

arbitrary change in the brightness zero levels could change the
kSZ signal zero level, the peak to peak di↵erence between the
positive and negative observed signal will remain unchanged. In
fact, the kSZ signal we observe is much more compact than that
of the tSZ e↵ect, so we expect filtering and zero level e↵ects to
be less important for kSZ observations. The transfer function is
nonetheless accounted for when fitting our data with a model as
detailed in Section 6.

5.5. Comparison to maps at other wavelengths

In Figure 6, we compare the kSZ map obtained with NIKA to
maps at other wavelengths, taken as tracers of the di↵erent clus-
ter components. We use the Chandra X-ray photon counts as
a proxy for the gas distribution (/ n2

e), HST optical imaging
(CLASH data, Postman et al. 2012) to identify the galaxy spa-
tial distribution, and the strong lensing mass reconstruction to
probe the dark matter (Zitrin et al. 2011).

The X-ray image shows two main peaks in region B. These
two peaks are also seen in SZ observations by MUSTANG at 90
GHz with a 13 arcsec e↵ective angular resolution (Mroczkowski
et al. 2012). The most significant peak is located on the east
side of the region (hereafter B1), with the second on the west
side (hereafter B2), the two being separated by about 20 arcsec.
The group of galaxies associated with subcluster B is on aver-
age more coincident with B2, even if galaxies are also observed
around B1. The dark matter map follows the distribution of the
galaxies, and is therefore better aligned with B2. The negative
kSZ signal coincides well with B1, but is significantly o↵set
from B2. The morphology of clump B2 is that of an arc (or a
tail) around the dense core, similar to what is observed in merg-
ers on the plane of the sky (e.g., Clowe et al. 2006, for the bullet
cluster). This could suggest, if this is the case, that B2 is an inde-
pendent subcluster (with respect to B1) moving mostly perpen-
dicular to the line-of-sight, and therefore, not responsible for the
kSZ signal. The signal associated to B2 could also be due to the
stripped gas of the main core B1, which would therefore move
slower than B1 and is not significantly detected in kSZ. In both
cases, our kSZ data, together with X-ray imaging, suggest that
subcluster B is a complex object in itself. The main structure, B1,
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First map of kSZ in 
MACS0717.5+3745, with 

NIKA!



Most of the baryons in clusters are in the diffuse gas that fills the space 
between galaxies. 

!
How can we explain the properties of  

the intracluster medium?



How did the intracluster medium (ICM) get so hot?

The “Bullet Cluster”: a head-on merger of two galaxy clusters of similar mass.
Markevitch 2006



What actually is a shock?

• shocks are caused by a disturbance that moves faster than the 
information about it can be propagated into the surrounding 
fluid (e.g. faster than the speed of sound) 

• this causes an abrupt, nearly discontinuous change in the 
characteristics of the medium (extremely rapid rise in pressure, 
temperature and density of the flow) 

• the total energy is preserved but the energy which can be 
extracted as work decreases and the entropy increases.



Within the shock front (a.k.a. “transition layer”), viscous effects are important – they cause the
shock in the first place. However, outside this layer, viscous effects are small on scales larger than
the mean free path. We will derive conservation equations of the form

d

dx
Q(ρ, u, P ) = 0 =⇒ Q(ρ, u, P ) = constant,

and although the quantities Q involve viscous terms, we can ignore these outside the shock zone
and can therefore derive the jump conditions from equations that don’t involve viscosity terms.

We start from the continuity equation and the momentum equation

∂ρ

∂t
+ ∇⃗ · (ρu⃗) = 0,

∂u⃗

∂t
+
!

u⃗ · ∇⃗
"

u⃗ = g⃗ −
1

ρ
∇⃗P +

1

ρ
∇⃗·

↔
π ,

and from the thermal energy equation, which it is helpful to write in the form (Ryden 1-43)

∂

∂t
(ρϵ) + ∇⃗ · (ρϵu⃗) = −P ∇⃗ · u⃗ − ∇⃗ · F⃗ + Ψ,

analogous to the continuity equation, and to supplement with a separate equation (Ryden 1-44)
for conservation of kinetic energy

∂

∂t
(1

2
ρu2) + ∇⃗ · (1

2
ρu2u⃗) = ρu⃗ · g⃗ − u⃗ · ∇⃗P + u⃗ · (∇⃗·

↔
π ).

We now assume steady-state, ∂
∂t = 0, plane-parallel, ∂

∂y = 0, ∂
∂z = 0, ∂

∂x = d

dx , and ignore gravity
and viscosity. These equations then become

d

dx
(ρu) = 0 (41)

u
du

dx
= −

1

ρ

dP

dx
(42)

d

dx
(ρϵu) = −P

du

dx
(43)

d

dx
(1

2
ρu2u) = −u

dP

dx
. (44)

(45)

Equation (41) immediately gives

ρu = constant =⇒ ρ1u1 = ρ2u2.

Using

d

dx
(ρu2) = 2ρu

du

dx
+ u2 dρ

dx
= ρu

du

dx
+ u

#

ρ
du

dx
+ u

dρ

dx

$

= ρu
du

dx
+ u

d

dx
(ρu) = ρu

du

dx
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Ψ: rate of viscous dissipation

F: conductive heat flux

π: viscous stress tensor



Rankine-Hugoniot shock jump conditions

allows the equation (42) to be written

ρu
du

dx
+

dP

dx
=

d

dx

!

ρu2 + P
"

= 0 (46)

so
ρu2 + P = constant =⇒ ρ1u

2
1 + P1 = ρ2u

2
2 + P2. (47)

If we had kept the viscosity terms in the derivation, equation (46) would instead have been

d

dx

#

ρu2 + P −
4

3
µ

du

dx

$

= 0. (48)

Within the transition zone, where µ and du
dx are non-zero, ρu2 + P is not constant.

However, in the pre-shock and post-shock zones, µ and du
dx are negligible, so equation (47) holds.

We could use equation (48) (together with our other equations and the constitutive relation for
viscosity) to follow what happens within the transition zone. However, the fluid approximation
itself breaks down within this region.

Adding together equations (43) and (44) gives
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2
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.

Since d

dx(ρu) = 0 and ρu ̸= 0, this equation implies that

d

dx

#

1

2
u2 + ϵ +

P

ρ

$

= 0 =⇒ 1

2
u2 + ϵ +
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ρ
= constant,

so
1

2
u2

1 + ϵ1 +
P1

ρ1

= 1

2
u2

2 + ϵ2 +
P2

ρ2

.

If we had been more complete, the conserved quantity would also include viscosity and heat con-
duction terms, but once again, these are unimportant outside of the transition zone.

In summary, we have the Rankine-Hugoniot jump conditions for a plane-parallel shock:

ρ1u1 = ρ2u2 (49)

ρ1u
2
1 + P1 = ρ2u

2
2 + P2 (50)

1

2
u2

1 + ϵ1 +
P1

ρ1

= 1

2
u2

2 + ϵ2 +
P2

ρ2

. (51)

Even though the physics of the shock region may be complicated and varied, these conditions
follow from conservation of mass, momentum, and energy alone. More precisely, the first follows
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conservation of mass

conservation of momentum

conservation of energy

from mass conservation, the second from mass and momentum conservation, and the third from
mass and energy conservation. If ρ1, u1, and P1 are known, we have three equations for the three
unknowns ρ2, u2, and P2.
Using ϵi = 1

γi−1

Pi

ρi
, the last of the jump conditions can be written

1

2
u2

1 +
γ1

γ1 − 1

P1

ρ1

= 1

2
u2

2 +
γ2

γ2 − 1

P2

ρ2

,

for a gas that has a polytropic equation of state.
Note that γ2 may be different from γ1 if, for example, the shock dissociates molecules, or raises the
temperature so that previously inaccessible degrees of freedom become accessible.

7.2 The Mach Number

The dimensionless number that characterizes the strength of a shock is the Mach number, the ratio
of the shock speed to the upstream sound speed:

M1 ≡
u1

a1

=

!

ρ1u2
1

γP1

"1/2

. (52)

The factor in () can be viewed as a ratio of “ram pressure” to thermal pressure in the pre-shock
gas, or as a ratio of kinetic energy density to thermal energy density.

In terms of the Mach number, the shock jump conditions are (Ryden eqs. 3-51)

ρ2
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=
u1

u2

=
(γ + 1)M2

1

(γ − 1)M2
1 + 2

P2

P1
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ρ2kT2/m
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=

2γM2
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γ + 1
.

Together these conditions imply

T2

T1

=
[(γ − 1)M2

1 + 2][2γM2
1 − (γ − 1)]

(γ + 1)2M2
1

.

A strong shock is one with M1 ≫ 1, yielding

ρ2
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=
u1
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γ + 1

γ − 1
= 4 (53)
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2
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(γ + 1)2
m

k
u2

1 =
3

16
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k
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1, (55)

where the last equalities are for γ = 5/3.

In the rest frame of a strong shock, with γ = 5/3, the post-shock kinetic energy is

1

2
u2

2 ≈
1

32
u2

1,
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Defining the Mach number as

(1=preshock, 2=postshock region;  
assumed static solution so all time derivatives are zero, and no gravity)

from mass conservation, the second from mass and momentum conservation, and the third from
mass and energy conservation. If ρ1, u1, and P1 are known, we have three equations for the three
unknowns ρ2, u2, and P2.
Using ϵi = 1

γi−1

Pi

ρi
, the last of the jump conditions can be written
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,

for a gas that has a polytropic equation of state.
Note that γ2 may be different from γ1 if, for example, the shock dissociates molecules, or raises the
temperature so that previously inaccessible degrees of freedom become accessible.

7.2 The Mach Number

The dimensionless number that characterizes the strength of a shock is the Mach number, the ratio
of the shock speed to the upstream sound speed:
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The factor in () can be viewed as a ratio of “ram pressure” to thermal pressure in the pre-shock
gas, or as a ratio of kinetic energy density to thermal energy density.

In terms of the Mach number, the shock jump conditions are (Ryden eqs. 3-51)
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A strong shock is one with M1 ≫ 1, yielding
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where the last equalities are for γ = 5/3.

In the rest frame of a strong shock, with γ = 5/3, the post-shock kinetic energy is
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we can rewrite the equations above, for an incompressible fluid that has 
a polytropic equation of state:
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Shocks and cold fronts in galaxy clusters

Maxim Markevitch (NASA GSFC)

Milan, October 2012
500 kpc

z=0.2

M = 2
(MM 05)

A520

Chandra X-ray image

A2146

A2146

z=0.23

two M ∼ 2 shocks

(Russell et al. 10, 12)

Chandra X-ray image

500 kpc

A754 shock

Chandra X-ray image

Chandra examples of shocks in galaxy clusters
Bullet Cluster

Abell 2146 Abell 754

Abell 520



The role of shocks in shaping the intra-cluster medium
• shocks are often seen in the density, temperature, and pressure 

maps of clusters of galaxies that are in the process of merging 
• such mergers are the most energetic events since the Big Bang! 
• shocks are thought to be responsible for heating the ICM to X-

ray emitting temperatures.

But! The ICM not an ideal polytropic fluid!  
It is a dissociated plasma of electrons and ions.

In this case, the Rankine-Hugoniot equations predict that the electrons 
and ions will be heated in proportion to their masses:

4

2 Formalism: Equilibration Timescales

Taken at face value, the Rankine-Hugoniot jump conditions predict that electrons and
ions will be heated in proportion to their masses:

k Te,i =
3
16

me,i V
2
sh (1)

In collisionless shocks, there are three relevant timescales to consider: the time
required for Coulomb collisions to isotropize a distribution of electrons, tee, the time
required for Coulomb collisions to isotropize distribution of ions, tii, and finally the time
required for the electrons and ions to equilibrate to a common temperature, tei (Spitzer
1962). After a time scale tee or tii, the particles in question attain a Maxwellian velocity
distribution. The self-collision time, tc,ee for electrons of density ne and temperature
Te is (Spitzer 1962):

tc,ee =
0.266 T

3/2
e

ne lnΛe
sec ≈ 0.0116 Vs(1000)

3

ne lnΛe
yr (2)

where lnΛ is the Coulomb logarithm, Equation 1 has been used to write the relaxation
time in terms of the shock speed and Vs(1000) is the shock speed in units of 1000
kms−1 . For a young SNR having Vs ∼ 1000 kms−1 , postshock density n∼ 1 cm−3

and ln Λ ∼30 the time required to establish a Maxwellian distribution at the electron
temperature given by equation 1 is tc,ee ∼ 0.004 yrs. The electrons are isotropized by
self-collisions first, then the protons, and finally over a longer timescale the electrons
and protons equilibrate to a common temperature. For this reason, Coulomb collisions
alone are unable to establish equilibration electron and proton distributions at the
shock front. This equilibration is described by the relation

dTe
dt

=
Tp − Te
tc,ep

(3)

where

tc,ep =

!

mp

me
tc,pp =

mp

me
tc,ee (4)

The temperatures Te and Ti equilibrate to a common density-weighted average
temperature Tav, given by Tav = 3

16µmpV
2
s , where µ is the mean mass per particle (=

(1.4/2.3) = 0.6 for cosmic abundances). For mass-proportional heating, the timescale
given by Equation 4 is ∼2000 yrs for Vs ≥1000 kms−1 , of similar order but longer
than the proton-proton isotropization timescale, tc,pp. These are longer than the age
of the SNR, substantially so at higher Vs indicating that for minimal heating (i.e.,
Te/Tp =

me
mp

∼ 1/1836) the electrons and ions will not equilibrate to Tav during the

lifetime of the SNR (Itoh 1978; Draine & McKee 1993).

The arguments above indicate that Coulomb collisions are ineffective at both
isotropizing the heavy ion particle distributions and equilibrating the electron and
ion temperatures at the transtions of collisionless shocks. The emission spectra of non-
radiative SNRs (dominated mostly by X-ray and ultraviolet emission) should therefore
be sensitive probes of the collisionless heating processes at the shock transition. We
consider the observational constraints of these processes below.

The electrons and ions then equilibrate to a common temperature 
through Coulomb collisions on a time scale:

386 A. Hoshino et al. [Vol. 62,

Fig. 8. (a) Entropy profiles (black diamond: Suzaku, gray diamond: XMM-Newton, black solid line: fitted model to Suzaku in 70–200, black dashed
line: fitted model to XMM-Newton in 0:05–70, gray solid cross: PKS 0745!191, gray dotted cross: A 1795). (b) Entropy normalized to / r1:1 profile.
(c) tei profile (diamonds) compared with telapsed (black solid line). (d) Te=Tgas profiles compared with the simulated result by Rudd and Nagai (2009).

estimated as (Spitzer 1956)

tei " 2:0 # 108 yr
.Te=108 K/3=2

.ni=10!3 cm!3/ .lnΛ=40/
; (5)

where ln Λ is the Coulomb logarithm. We simply assume that
ions are initially heated through accretion shocks at r200. In
the post-shock region, ions achieve thermal equilibrium with
a timescale of tii after this heating. The ion temperature, Ti

will then be significantly hotter than the electron temperature,
Te. Eventually, thermal energy is transferred from ions to
electrons through Coulomb collisions, and Te will equal Ti

after the relaxation time tei.

We can compare the position-dependent time, since the
shock heating, telapsed, with the equilibration timescale tei.
If tei is longer than telapsed, then Te would be expected to
be significantly lower than Ti at that position. Denoting the
velocity of inward propagation of the shock front as vshock,
we obtain

r200 ! r ' telapsed vshock: (6)

The free-fall velocity of the gas at r200 is vff;200 =p
2GM200=r200. Using the strong shock approximation and

neglecting the post-shock gas velocity compared with vshock,
Takizawa (1998) found

Magnetic fields may play an important role in speeding up this timescale!



Important physical scales in the intra-cluster medium
Particle 
separation!
~ 0.03 m!

Neutron 
Star 

Debye!
length!
~ 3000 m!

Ion gyro 
radius!
~ 2 npc!

Electron 
mean free 
path!
~ 10 kpc!

Cluster 
scale !
~ 2000 kpc!

! Interaction negligible, collisionless!
! Weak magnetic field!
! Boundary free!

In the presence of magnetic 
fields and particles accelerated 

to high energies, we can 
measure synchrotron emission: 

The kinetic energy of the shock is dissipated via collective interactions between the 
particles and magnetic field, so the electron and ion temperatures may in fact equilibrate 
instantly.



GMRT  
(Giant Meterwave Radio 

Telescope) 
near Pune, India 
Collecting area: 

47,713m2 
Frequency:  

50 to 1500 MHz 
First light 1995

LOFAR  
(Low Frequency Array) 

Europe (most antennae in the 
Netherlands) 

Collecting area: up to 1 km2 
Frequency: 10 to 230 MHz 

Built 2006-2012

How we know the ICM is magnetised: synchrotron emission !
from relativistic particles gyrating around magnetic field lines



The “sausage” 
CIZA 

J2242.8+5301

The “toothbrush” 
RX J0603.3+4214 

MACS 
J0717.5+3745 Abell 3411–3412



16-6 H. Akamatsu and H. Kawahara [Vol. 65,

Fig. 4. X-ray temperature profiles for the six radio relics. Vertical dashed lines indicate the position the of radio relics. Gray dotted lines indicate the
“universal” temperature profile expected from the scaled temperature profiles (Burns et al. 2010). The red and blue horizontal bars show the pre and post
shock quantities we use to derive Mach number (subsection 3.3). The vertical bars indicate a 1 ! error. In (a) CIZA2242, the gray crosses show the data
for a reference sector as shown in figure 1a magenta annuli. The uncertainty range due to the fluctuations of CXB intensity are shown by two blue dotted
lines.

Fig. 5. Surface brightness profiles (0.5–10 keV). Vertical dashed lines indicate the positions of radio relics.

Systematic study of 6 radio relics with Suzaku (Akamatsu et al. 2013) 
shows temperature jumps at the location of the radio emission



dN
/d

E
E

γ = (C+2)/(C-1)

• Energy gain in each cycle:


dE/E ≈ 4/3 (u1-u2)


• Power-law particle energy distribution:


N = N0 (E/E0)-γ
Upstream Downstream

u2u1

F s
yn

Fsyn ∝ !α ;  α = -1.5/(C-1)

!
Adapted from Melrose (2009)

DIFFUSIVE SHOCK ACCELERATION

2

Diffusive shock acceleration

Expect energy gain in each 
shock crossing cycle: 

dE/E ≈ 4/3 (u1-u2)

Idea: due to multiple scatterings across a shock, ICM particles can be 
accelerated or old “fossil” relativistic plasma can be reenergised

Problems:  
• shocks usually too weak to provide enough 

energy to accelerate ICM to relativistic 
energies;  

• some fairly strong shocks with no radio 
emission have also been seen;  

• if radio emitting particles are reaccelerated, 
what originally accelerated them? 

• if fossil relativistic plasma comes from e.g. 
supermassive black hole of a member 
galaxy, why is the radio emission uniform 
over several Mpc?

Area of 
ongoing 

research!



Take-home point: 
The ICM is a magnetised plasma. That makes a lot of 

things complicated and is the subject of exciting 
ongoing studies.  

But it makes the single fluid approximation much 
better than it would be in the absence of B-fields!



A “Cosmic Cube” Simulation by A. Kravtsov!

Can we model numerically the effect of shock heating, and do we get the 
right answers for the ICM temperatures?



Hydrodynamical large-scale structure formation simulations
Idea: dark matter treated as particles (N-body); in addition, we 

approximate the baryons as an ideal fluid and solve for  
the conservation of mass, momentum, and energy 

(given the gravitational potential from the N-body simulation).
568 FRENK ET AL. Vol. 525

FIG. 7.ÈProjected X-ray luminosity at z \ 0. The images, covering the inner 8 Mpc of each simulation cube, have been smoothed with the Ðlter chosen by
each author to best portray the results of each simulation (see Table 1).

that reÑect slight departures from virial equilibrium. The
agreement on the values of b and indicates thatUkin/Uthermthe shock-capturing properties and the efficiency with
which infall kinetic energy is thermalized in shocks are
similar in the SPH and grid-based codes, at least in the
regime explored in this simulation. Most simulators
obtained values of about 3.6 ] 1062 ergs for the bulk kinetic
energy, except Gnedin and Wadsley, who found values
about 25% smaller. Lower turbulent energies probably
result from some combination of smaller noise-induced
motion, greater viscous damping, and, in WadsleyÏs case, a
more dynamically advanced state, but the actual factors
responsible in each case are unclear.

There is substantially less consensus about the estimated
X-ray luminosities of the cluster, calculated approximately
as / o2T 0.5 dV , and so given in units of K1@2 Mpc~3.M

_
2

The values found span a range of a factor of D10, or a
factor of D5 if we exclude YepesÏ low-resolution model.
Resolution e†ects also account for the small values
obtained by Cen and Owen. The largest values were
obtained in the intermediate- and high-resolution grid-
based simulations of Gnedin and Pen, respectively, and in
EvrardÏs SPH simulation. EvrardÏs and WadsleyÏs models
produced larger X-ray luminosities than other SPH simula-

tions because their clusters are in a slightly more advanced
(and more active) dynamical state. The higher luminosities
from the high-resolution grid-based codes are due to their
slightly more concentrated central gas distributions (see
Fig. 3 and ° 4.3 below). Because the total X-ray luminosity is
sensitive to the structure of the inner few hundred kilo-
parsecs of the cluster, it Ñuctuates quite strongly in time and
is very sensitive to simulation technique.

As a Ðnal test, we compare the shapes of the clusters, as
measured by the inertia tensors, I \ ; form

i
x
i
x
j
/; m

i
,

both the dark matter and the gas within the spherical region
that deÐnes the cluster. We label the eigenvalues of this
tensor a2 [ b2 [ c2 and deÐne the axial ratios to be a/b and
a/c. As can be seen in Figures 1 and 3, the cluster is aspheri-
cal, with the orientation of its longest axis reÑecting its
formation by infall along a Ðlament. The axial ratios shown
in Figure 9 show, in fact, that the cluster is triaxial. The
dark matter distribution (circles in Fig. 9) is considerably
more aspherical than the gas (crosses) in all cases except
GnedinÏs. There is generally good agreement amongst the
di†erent simulations, although there are a few anomalies.
For example, Owen Ðnds the smallest axial ratios for the
dark matter distribution even though the inner regions of
his cluster appear quite elongated in Figure 1. This is prob-

“Santa Barbara Cluster Comparison Project”  
(Frenk et al. 1999)

“Smoothed  
particle 

hydrodynamics” 
Lagrangian 
(coordinates 

move with the 
fluid); initially 

easier to adjust 
the resolution for 
higher densities

grid-based 
Eulerian 

(exact solution 
to Riemann 
problem; 
captures 

discontinuities 
and 

instabilities 
better; yellow 

boxes)



nIFTy Cluster Comparison I 11

ART Arepo G2-Anarchy

G3-XArt G3-SPHS G3-Magneticum

G3-PESPH G3-MUSIC G3-XStd

G3-OWLS G2-X Hydra

lgas [1015h-1MSUNMpc-2]

0.00 0.50 1.00 1.50 2.00

Figure 5. Projected density of the gas halo at z = 0 for each simulation as indicated. The box is 2h�1Mpc on a side. The white circle indicates Mcrit
200 for

the halo, the black circle shows the same but for the G3-MUSIC simulation.

c� 2015 RAS, MNRAS 000, 1–19

Updated hydrodynamical large-
scale structure formation 

simulations

“nIFTy” Cluster Comparison 
(Sembolini et al. 2016)



Illustris simulation
“Only” 106.5 Mpc on a side, 3x18203 particles; TreeSPH Hybrid numerical method 

Smallest resolved cell 50pc (!), mass resolution ~a few 106 Msun(!) 
2000 years of CPU time (Vogelsberger et al. 2014a+b)

http://www.illustris-project.org/movies/illustris_movie_sb0_shocks.mp4

http://www.illustris-project.org/movies/illustris_movie_sb0_shocks.mp4


How did the intracluster medium (ICM) get so hot?
F. Vazza et al.: Turbulence and shocks in galaxy clusters 37

Fig. 5. Left: modulus of total gas velocity in a slice of side 7.5 Mpc and depth 18 kpc, for the v256-4 run at z = 0.6. Right: map of Mach number
(in colors) and turbulent gas velocity field (arrows).

is already reached at ≥0.2Rvir for δ = 3 (v128-3). The adopting
the mesh refinement criterion based on velocity jumps for z < 2
(v128-z2) produces profiles consistent with those from the run
where this criterion is applied since the beginning of the simula-
tion (v128), provided a small difference is found for r ∼ Rvir.

In the cases where the AMR peak resolution is fixed at
∆ = 36 kpc (v256-3, v128-3, v64-3), the adoption of a larger
mass resolution in DM particles causes a significant decrease in
the turbulent budget at large radii (the kinetic energy profiles,
however, are almost unaffected by that). We find that the reason
for this is that in the cluster outskirts, where strong accretion
shocks are located, satellites with a too coarse DM mass resolu-
tion have a typically smaller gas and DM density concentration,
and they are more easily stripped and/or destroyed generating
more small scale chaotic motions in the peripheral regions of
clusters (see also Sect. 4.4).

The total kinetic energy within Rvir in our simulations is in
line with SPH results with reduced artificial viscosity (Vazza
et al. 2006) and other AMR results obtained with ENZO
(Iapichino & Niemeyer 2008). However, it is unclear if the ob-
served inner turbulence profile can be reconciled with with SPH
findings, where an increase of the ratio between turbulent en-
ergy and the total one is observed with decreasing radius, for
r/Rvir < 0.1 (Dolag et al. 2005). On one hand it seems that
the progressive increase of the DM mass and force resolution in
our simulations causes the same kind of steepening also in our
innermost profile, on the other hand the turbulent energy bud-
get remains smaller by a factor ∼5−6 respect to SPH results.
Whether or not this is related to the different clusters under ob-
servation (and to their dynamical states) or if this is this a more
fundamental issue caused by differences between AMR and SPH

simulations, is a topic that deserves more accurate investigations
in the future.

4.3. Power spectra and structure functions of the turbulent
velocity field

We characterize the cluster velocity field through it 3D power
spectrum, E(k), defined as:

E(k) =
1
2
|ũ(k)|2, (1)

where ũ(k) is the Fourier transform of the velocity field:

ũ(k) =
1

(2π)3

!

V
u(x)e−2πi k·xd3x. (2)

E(k) is calculated with standard FFT algorithm (e.g. Federrath
et al. 2009, and references therein), and with a zero-padding
technique to deal with the non-periodicity of the considered vol-
ume. Differently from SPH and standard AMR simulations, the
velocity plus density refinement allows to follow the cluster ve-
locity field with high spatial resolution in lower density regions,
with important consequences on the capability to describe its
spectral properties over a wide range of scales.

The left panel in Fig. 7 shows the 3–D power spectra calcu-
lated for all runs at z = 0.1. E(k) is approximately described
by a simple power law over more than one order of magni-
tude in k, with a slope not far from a standard Kolmogorov
model (E(k) ∝ k−5/3). At large scales (k < 4) a flattening in
the spectrum is observed in all runs, at a wave number roughly
corresponding to the virial diameter of the cluster, which likely
identifies the outer scale of turbulent motions connected with

Vazza et al. 2009

Mach number (in colour) and gas 
velocity field (arrows) from a numerical 
simulation of a cluster of galaxies. The 

image is 7.5 Mpc on a side.  
!

Accretion shocks (as fresh material 
falls in from the surrounding LSS) play 
an important role in heating the gas, in 

addition to merger shocks!



adiabatic process 
pVγ=const 
TVγ-1=const 

with γ=5/3, TV2/3=const 
if N=nV=const 
T/n2/3=const

A&A 511, A85 (2010)

Fig. 1. Entropy profiles of the REXCESS sample, colour coded according to spectroscopic temperature measured in the [0.15−0.75] R500 aperture.
Solid lines show the profiles derived from direct measurement; dotted lines show the entropy extrapolated into the central regions assuming an
isothermal distribution at the temperature of the inner 3D data point (see text). On the left, the profiles are plotted in physical units; on the right,
they are plotted in units of scaled radius R500 estimated from the M500−YX relation given in Eq. (1). In the right hand plot, dashed lines mark, from
left to right, radii corresponding to 0.1 R200, R2500(∼0.45 R500) and R1000(∼0.7 R500).

of the projected temperature profile assuming a Gaussian distri-
bution defined by the uncertainties on each data point, and then
corrected to take into account the fact that parametric models
tend to over-constrain the 3D profile. Full details of the depro-
jection and PSF correction of the temperature profiles, plus ex-
tensive tests of the robustness of the method, will be detailed in
a forthcoming paper.

2.2.3. Entropy profiles

Since the density profiles are determined on a radial grid of sig-
nificantly higher resolution than that of the temperature profiles,
we determined the best fitting parametric 3D temperature profile
on the same grid as that of the deprojected, deconvolved density
profile and calculated the entropy, K = kT/n2/3

e , accordingly.
In all cases, in the very central regions a single temperature

bin encompasses a region covered by several density profile bins
(the median number is 5). Given that the central density of the
galaxy cluster population exhibits a dispersion of up to two or-
ders of magnitude and the overall density profile changes by up
to three orders of magnitude from the centre to the outskirts (e.g.,
Croston et al. 2008), while the temperature varies only by a fac-
tor of 2−3 (e.g., Pratt et al. 2007), it is clear that the characteris-
tics of the density drive the properties of the entropy profiles. In
order to examine the behaviour of the central entropy, we assume
a constant central temperature, with the value given by the 3D
temperature of the first shell. A similar procedure was used by
Donahue et al. (2005) and Cavagnolo et al. (2009) and our adop-
tion of this approach allows us to compare directly with their re-
sults. Note that for systems with poor central temperature profile
resolution this extrapolation is only weakly model dependent,
since it essentially concerns the disturbed systems, which have
rather flat central temperature profiles (see Fig. 3 of Arnaud et al.
2010). When this scheme is applied, the XMM-Newton profiles
have a typical central resolution of ∼5 h−1

70 kpc, which compares

favourably with the typical resolution of ∼2 kpc in the Chandra
analysis of Cavagnolo et al. (2009). The left hand panel of Fig. 1
shows these entropy profiles plotted in physical units (h−1

70 kpc).

2.3. Scaling

In order to compare cluster profiles on a common radial scale, we
express them in terms of Rδ, the radius within which the mean
mass density is δ times the critical density at the cluster redshift4.
For practical purposes, we generally scale to R500, the effective
limiting radius for high quality observations from XMM-Newton
and Chandra. Since the sample contains systems in a variety of
dynamical states, we use YX as a mass proxy. We estimate R500 it-
eratively as described in Kravtsov et al. (2006), from the updated
calibration of the M500−YX relation obtained by combining the
Arnaud et al. (2007) results from nearby relaxed clusters with
REXCESS data from morphologically relaxed systems. The full
sample of 20 objects (8 from Arnaud et al. 2007 and 12 from
REXCESS) is comprised of all systems for which the mass pro-
files are measured at least down to a density contrast δ = 550.
The resulting M500 − YX relation is:

E(z)2/5M500 = 1014.567±0.010

×
!

YX

2 × 1014 M⊙ keV

"0.561±0.018

h−1
70 M⊙, (1)

consistent with that derived by Arnaud et al. (2007) but with
improved accuracy on slope and normalisation (Arnaud et al.
2010). We also use the spectroscopic temperature T , measured in
the [0.15−0.75] R500 region, to investigate the scaling properties
of the entropy and associated profiles. These values are given in
Table 1.

The right hand panel of Fig. 1 shows the entropy profiles
plotted in terms of R500. Plotting them this way explicitly shows

4 Mδ = δρc(z) (4π/3)R3
δ , where ρc(z) = E2(z) 3H2

0/8πG.
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Entropy profiles in clusters are stratified

A&A 511, A85 (2010)

Fig. 1. Entropy profiles of the REXCESS sample, colour coded according to spectroscopic temperature measured in the [0.15−0.75] R500 aperture.
Solid lines show the profiles derived from direct measurement; dotted lines show the entropy extrapolated into the central regions assuming an
isothermal distribution at the temperature of the inner 3D data point (see text). On the left, the profiles are plotted in physical units; on the right,
they are plotted in units of scaled radius R500 estimated from the M500−YX relation given in Eq. (1). In the right hand plot, dashed lines mark, from
left to right, radii corresponding to 0.1 R200, R2500(∼0.45 R500) and R1000(∼0.7 R500).

of the projected temperature profile assuming a Gaussian distri-
bution defined by the uncertainties on each data point, and then
corrected to take into account the fact that parametric models
tend to over-constrain the 3D profile. Full details of the depro-
jection and PSF correction of the temperature profiles, plus ex-
tensive tests of the robustness of the method, will be detailed in
a forthcoming paper.

2.2.3. Entropy profiles

Since the density profiles are determined on a radial grid of sig-
nificantly higher resolution than that of the temperature profiles,
we determined the best fitting parametric 3D temperature profile
on the same grid as that of the deprojected, deconvolved density
profile and calculated the entropy, K = kT/n2/3

e , accordingly.
In all cases, in the very central regions a single temperature

bin encompasses a region covered by several density profile bins
(the median number is 5). Given that the central density of the
galaxy cluster population exhibits a dispersion of up to two or-
ders of magnitude and the overall density profile changes by up
to three orders of magnitude from the centre to the outskirts (e.g.,
Croston et al. 2008), while the temperature varies only by a fac-
tor of 2−3 (e.g., Pratt et al. 2007), it is clear that the characteris-
tics of the density drive the properties of the entropy profiles. In
order to examine the behaviour of the central entropy, we assume
a constant central temperature, with the value given by the 3D
temperature of the first shell. A similar procedure was used by
Donahue et al. (2005) and Cavagnolo et al. (2009) and our adop-
tion of this approach allows us to compare directly with their re-
sults. Note that for systems with poor central temperature profile
resolution this extrapolation is only weakly model dependent,
since it essentially concerns the disturbed systems, which have
rather flat central temperature profiles (see Fig. 3 of Arnaud et al.
2010). When this scheme is applied, the XMM-Newton profiles
have a typical central resolution of ∼5 h−1

70 kpc, which compares

favourably with the typical resolution of ∼2 kpc in the Chandra
analysis of Cavagnolo et al. (2009). The left hand panel of Fig. 1
shows these entropy profiles plotted in physical units (h−1

70 kpc).

2.3. Scaling

In order to compare cluster profiles on a common radial scale, we
express them in terms of Rδ, the radius within which the mean
mass density is δ times the critical density at the cluster redshift4.
For practical purposes, we generally scale to R500, the effective
limiting radius for high quality observations from XMM-Newton
and Chandra. Since the sample contains systems in a variety of
dynamical states, we use YX as a mass proxy. We estimate R500 it-
eratively as described in Kravtsov et al. (2006), from the updated
calibration of the M500−YX relation obtained by combining the
Arnaud et al. (2007) results from nearby relaxed clusters with
REXCESS data from morphologically relaxed systems. The full
sample of 20 objects (8 from Arnaud et al. 2007 and 12 from
REXCESS) is comprised of all systems for which the mass pro-
files are measured at least down to a density contrast δ = 550.
The resulting M500 − YX relation is:

E(z)2/5M500 = 1014.567±0.010

×
!

YX

2 × 1014 M⊙ keV

"0.561±0.018

h−1
70 M⊙, (1)

consistent with that derived by Arnaud et al. (2007) but with
improved accuracy on slope and normalisation (Arnaud et al.
2010). We also use the spectroscopic temperature T , measured in
the [0.15−0.75] R500 region, to investigate the scaling properties
of the entropy and associated profiles. These values are given in
Table 1.

The right hand panel of Fig. 1 shows the entropy profiles
plotted in terms of R500. Plotting them this way explicitly shows

4 Mδ = δρc(z) (4π/3)R3
δ , where ρc(z) = E2(z) 3H2

0/8πG.
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Because of the 
growth of the total 

virialized mass, the 
baryons accreted 
later experience 

larger shocks, and 
the resulting 

entropy 
profile is always 
growing outward 

!
K~r1.1

Pratt et al. 2010



Suggested essay topics

1) Based on recent literature, discuss evidence for/against an instantaneous 
equilibration between the electron and ion temperatures following the passage of a 
shock. 

!
2) Discuss in more detail the diffusive shock acceleration model. Give some concrete 

examples of successful predictions vs. problems with this model. What alternative 
theoretical models are being discussed in the community? 

!
3) Magnetic fields in clusters can also be estimated using the Faraday Rotation effect. 

Explain what this effect is and what results have been obtained from this method. 
!
4) Discuss the difference between radio haloes and radio relics. Are radio haloes also 

associated with shocks or is there another mechanism responsible for accelerating 
the relativistic particles in this case? 

!
5) Discuss the entropy deficit in cluster outskirts, and various models for explaining it. 

What evidence supports each of these interpretations?   
!
6) Describe the alternative technology for producing X-ray mirrors and X-ray TES 

detectors employed by ESA’s future Athena mission (or the same for any current or 
planned SZ experiment of your choice). 


