
Lecture V 
Galaxy evolution 

different types of galaxies and how they got their 
shape (and their stars)



Structure Formation and Evolution!
From this  (Δρ/ρ ~ 10 -6)!

to this !
(Δρ/ρ ~ 10 +2)!

to this!
(Δρ/ρ ~ 10 +6)!

N-body 
simulations work 

quite well!

200
Hydrodynamical  simulations help 
us to understand the hot X-ray gas 

in clusters of galaxies  



• Pure gravitational infall leads to overdensities of ~ 200 when the virialization is 
complete. 

• That is about right for the clusters of galaxies. 
• But individual galaxies are ~ 106 times denser than the mean; that means that 

they had to collapse by an additional factor of 10+ in radius. 
• Therefore, they had to release (dissipate) this excess binding energy. 
• This process is called cooling, and it is what separates galaxies from the large 

scale structure.

Cooling and dissipative galaxy formation

Structure Formation and Evolution!
From this  (Δρ/ρ ~ 10 -6)!

to this !
(Δρ/ρ ~ 10 +2)!

to this!
(Δρ/ρ ~ 10 +6)!



Essential ingredients for galaxy formation
assembly of mass cooling of gas into stars

recall (Lecture 4): Press-Schechter formalism 
allows us to approximate analytically how the 

number of massive dark matter haloes evolves 
with time. In CDM scenario, small haloes 

collapse first and then merge in a hierarchical 
fashion. Galaxy-sized haloes existed already 

very early on in the history of the cosmos.

reasons discussed below, we conclude that there is no compelling
case for undetected baryons in the groups and clusters in our sample.

We fit the behavior of the stellar and X-ray gas mass fractions
withmass as power laws (Fig. 2, top).Within r500, the stars result in
a relationship log f! ¼ (7:57 # 0:08)$ (0:64 # 0:13) logM500

and the plasma in log fg¼($3:87#0:04)þ (0:20# 0:05)logM500

for the sample of Vikhlinin et al. (2006).5 Note that while this fit
applies only to theVikhlinin et al. (2006) data set, the Gastaldello
et al. (2006) points in Figure 2 are consistent with this relation.
The behavior of the two components is clearly inverted. The plasma
component, which dominates at cluster masses >1014 M&, has a
shallower dependence on mass than the stellar component. We
use our best-fit relation for the stellar mass to convert the X-ray
gas fractions from Vikhlinin et al. (2006) and Gastaldello et al.
(2006) to total baryon fractions on a cluster-by-cluster basis. The
resulting total baryon fractions, shown in the bottom panel of
Figure 2, are independent of cluster mass over the range ofM500

from 6 ; 1013 to 1015 M&. If one considers only the statistical
uncertainties associated with our total cluster baryon fraction and
the WMAP measurement, then the two values are discrepant at
the level of 3.2 !.

There are three possible interpretations of this result in the
context of a full baryon accounting. First, systematic uncertain-
ties may be significantly larger than the random errors, and our
measurementmay therefore be consistentwith the universalWMAP
value. Because the gas mass fraction is much larger than the stel-
lar mass fraction over the majority of the mass range we probe,
we focus this discussion on potential errors in the gas mass frac-
tion. Systematic errors, by their nature, are often difficult to calcu-
late and can best be illuminated by comparing independent studies.
Zhang et al. (2007) and Rasmussen & Ponman (2004) provide
gas mass fractions for high- and low-mass systems, respectively.
Zhang et al. (2007) find gas fractions that are 15% larger than those
we adopted over the range probed by their sample. Rasmussen &
Ponman (2004) also find gas fractions that are larger than those
we adopted for comparably low mass systems. Together, these
two samples cover the mass range of our adopted sample and
result in an average fb ¼ 0:149, which is 2.1 ! discrepant with
the WMAP value and 12% larger than the fb we derive for the
Vikhlinin et al. (2006) data set. We conclude that indeed the sys-
tematic uncertainties dominate, that the sense of the uncertainty
works to diminish the discrepancy between measurements and
expectations, and that the case for undetected baryon compo-
nents rests on removing these systematic uncertainties. Second,
the baryon mass fraction with r500 in clusters may be different
from the universal value. Cluster simulations routinely predict
baryon fractions that are lower than the universal baryon fraction
by '10%. We have deliberately not adopted any of those as the
target because there are still a minority of simulations that predict
a baryon fraction larger than universal (e.g., Kravtsov et al. 2005).
Third, the shortfall may be resolved by yet undetected baryon
components. The constancy of the measured baryon fraction with
total system mass argues against a large undetected component,
but one could contribute at a modest level and bypass current
detection. In the end, all of these possibilities may contribute at
some level to a final resolution of the baryon accounting, but
at this point we are left to conclude that there is no compelling
evidence for undetected baryons.

We close this section by comparing our study to that of Lin
et al. (2003), who obtained a dependence of the baryon fraction
on cluster mass in conflict with our result. The range of masses
covered by the two studies is the same, and we both use r500 as
our fiducial radius, so the discrepancy is real. The most obvious
differences are our inclusion of the ICL component and our dif-
ferent normalization of the gaseous component. We model the
effect of including the ICL in their accounting by using our rela-
tionship for theBCG+ICLmass versus systemmass and ‘‘correct-
ing’’ their values of the baryon fraction on a cluster-by-cluster
basis.6 The relationship between baryon fraction and mass de-
creases from a '3 ! result in the original Lin et al. (2003) study
to a 1.8 ! result in the corrected case. Therefore, the inclusion
of the ICL explains part of the discrepancy between our result
and that of Lin et al. (2003), although apparently not all of it.
The lack of the ICL in the Lin et al. (2003) accounting was not an
oversight—they attempted to model the effect of the ICL in Lin
& Mohr (2004), but simply lacked data of the sort we present
here. While the exclusion of the ICL causes a relative under-
prediction of the contribution of stellar baryons for the lowest
mass systems, the Lin et al. adopted X-ray gas fractions, which
are'25% larger than ours and hence consistent with theWMAP
baryon mass fraction for the most massive systems, cause a rela-
tive overprediction of baryons in the highest mass systems. These

Fig. 2.—Top: Determination of cluster and group baryon fractions within r500
as a function ofM500 (bottom axis) and velocity dispersion (top axis). X-ray gas
mass fractions from Vikhlinin et al. (2006; circles) and Gastaldello et al. (2006;
triangles) and the stellarmass fractions (BCG+ICL+galaxies; squares) for systems
in our sample with masses that overlap the range shown for the X-ray studies.
All measurements are within r500. Overplotted are the best-fit relations for the
Vikhlinin et al. (2006) sample gas mass fractions and for our stellar mass frac-
tions. The WMAP 1 ! confidence region for the universal baryon fraction from
Spergel et al. (2006) is shown for comparison, and the right-hand axis shows Y,
the ratio of the baryon fraction for each component to the universal value from
WMAP. Bottom: The total baryon fraction derived for the Vikhlinin et al. (2006)
and Gastaldello et al. (2006) clusters if our best-fit stellar baryon relation is used
to estimate a stellar baryon contribution for each of these systems. The weighted
mean for the sample (dashed line) is !b /!m ¼ 0:133 # 0:004. We observe no
trend in baryon fraction with cluster mass. The error bars on the individual data
points and the weighted mean include only statistical uncertainties. The un-
weighted mean for the combined Zhang et al. (2007) and Rasmussen & Ponman
(2004) samples (dotted line) is included to provide a sense of the systematic
uncertainties. [See the electronic edition of the Journal for a color version of this
figure.]

5 Note that while this fit applies only to the Vikhlinin et al. (2006) data set , the
Gastaldello et al. (2006) points in Fig. 2 are consistent with this relation.

6 This is a slight ('20%) overcorrection because it includes the BCG,
which Lin et al. (2003) had already included.
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recall (Lecture 3): cooling cannot 
be very efficient (only 10% of gas 

is in stars). Baryonic physics 
(cooling, heating, star formation, 

B-fields) much more complex than 
dark matter, and very important for 

shaping galaxies.



From the CMB to the first stars

Before this era called “recombination” (which happened at z~1100), baryons cannot 
form structure (because of interaction with photons). For the first 378,000 years of 
cosmic history, only (cold!) dark matter can collapse. After recombination 
baryons soon fall into the DM haloes that were already in place. The Universe is still 
neutral. The gas gets compressed and the first stars form, photoionizing bubbles 
around them until gradually the entire universe is reionized.

recall (Lecture 1): baryons and radiation were coupled early on as the temperatures 
were very high. Eventually the universe cooled enough (due to the expansion), and 
protons and electrons combined to form neutral H. The Universe then became 
transparent to light (and photons left over from this era now make up the CMB).



Jeans criterion

Pressure forces can prevent the gas with a finite temperature from falling into a DM halo. 
!
If the time that it takes for sound waves to cross the halo and attempt to push back and re-
establish the gas in pressure balance is shorter than the free-fall time, gravity cannot take 
over. So this must not be the case.  
!
!

We can write tsc=R/cs and gtff2/2~R meaning tff~(Gρ)-1/2  
therefore tff<tsc implies R>RJ~ cs/(Gρ)1/2 (Jeans length, up to factors of order a few); 

alternatively, M>MJ ~ cs3/(G3/2ρ1/2)

This is a necessary condition for the formation of proto-
galaxies, i.e. DM haloes which contain baryons.

mean cosmic matter densitytemperature of baryons (before falling in, they 
are cooling off due to the expansion)



Radiative cooling
Optically thin gas can cool by emitting radiation. 
!
Recall (Lecture 3): there are three main ways to produce radiation: 
(1) free-free (bremsstrahlung): in an ionised gas, electrons radiate because of being 

accelerated in the Coulomb field of protons/nuclei 
Collisions between ions/atoms/electrons can lead to ionization/excitation, so two 
additional mechanisms are: 
(2) free-bound (recombination): after collisional ionisation, the electron/ion captures an 

electron to go back to its original equilibrium state and emits a photon  
(3) bound-bound (line emission): transition between an upper shell and a lower shell of an 

ion/atom in an excited state.
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Fig. 6 X-ray spectra for solar abundance at different plasma temperatures. The continuum contributions
from bremsstrahlung (blue), recombination radiation, characterized by the sharp ionization edges (green),
and 2-photon radiation (red) are indicated. At the highest temperatures relevant for massive clusters of gal-
axies bremsstrahlung is the dominant radiation process (from the work described in Böhringer and Hensler
1989). The major emission lines in the panels for the higher temperatures relevant for galaxy clusters are
designated by the elements from which they originate (The labels Fe-L ans Si-L refer to transitions into the
L-shell in ions of Fe and Si, respectively, and two other lines with roman numbers carry the designation of
the ions from which they originate involving transitions within the L-shells

emission from bremsstrahlung, recombination and two-photon transitions. We clearly
see the increasing dominance of bremsstrahlung with increasing temperature, which
reflects the fact that fewer ions retain electrons and the plasma is almost completely
ionized at the higher temperatures.

3 The study of the thermal structure of the intracluster medium

We have seen in the previous section that the shape of the spectrum for a thermal
equilibrium plasma is determined by the plasma temperature and the elemental abun-
dances. This is therefore the basic information we derive from the spectral analysis
of the ICM radiation: a temperature measurement and a chemical analysis. We con-
sequently illustrate in this, and the next chapter, the scientific insights gained from
temperature measurements from the state-of-the-art spectral analysis, and in Sect. 5
the lessons learned from the chemical analysis of the ICM.
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All these three processes are two body processes 
due to collisions of particles, so they depend on the 
square of the density. Useful to define cooling 
function 
Λ(T)=C/nH2 #
where C is the cooling rate (energy radiated per 
unit time and volume)



Cooling function for primordial gas

Primordial gas consists only of H and He, so line emission from no other chemical elements 
contributes to the cooling. Λ(T) looks like this:

molecular H2

atomic

H He
Masses of first haloes are small. 

According to the virial theorem, half of 
the potential energy during the 

gravitational collapse is turned to 
kinetic energy, and from there into 
heat, so the temperatures are also 

small (T~M/R~M2/3).  
!

If gas temperature too low, collisions 
become insufficient to ionise H. 

!
Even though only a tiny fraction of the 
gas is in molecular H2, this dominates 

the cooling function below 104K. 
!

Only through H2 the gas can cool and 
condense into stars in the very early 

Universe (z~20).



First stars (known as Population III stars) were quite different from today’s stars: 
higher temperature and lower luminosity, higher masses, much shorter lives. They 

quickly explode as supernovae and enrich their environment with metals, making line 
cooling more efficient. First stars only helped reionize small bubbles in the Universe (a 

large fraction was reionized after DM haloes grew to 107 Msun around z~10, so their 
virial temperatures reached 104K and they could cool through emission from atomic H.)

First stars movie: 
https://www.youtube.com/watch?v=tZxWTPzzvyQ&feature=youtu.be

https://www.youtube.com/watch?v=tZxWTPzzvyQ&feature=youtu.be


Formation of disk galaxies

• DM haloes in general are not spherical 
• Tidal torques then lead to the build up of angular momentum  
J ~ MR2ω, with ω the angular velocity.  
• Initially, baryons have about the same specific angular momentum as 

the dark matter.
• when the gas cools, it collapses 

towards the centre conserving this 
angular momentum, so it spins up 

• frictional forces drive the gas onto 
approximately circular orbits in a 
plane perpendicular to J: it forms a 
flat disk! 

• the gas in the disk is denser than if it 
had retained its near spherical shape, 
so it is more efficient at cooling and 
making stars. 

• we get a spiral galaxy!



What about the spiral arms?
Strong differential rotation: spiral arms cannot be fixed structures (made out of gas and 

stars that stay a part of this arm for the entire life of the galaxy), else the arms would be very 
tightly wound up within only a few rotation periods.

NGC1365



What about the spiral arms?
Spiral arms are density waves that move slower than the stars themselves. These 

waves are generated by a non-axially symmetric gravitational perturbation (e.g. the 
bar of SBs or another galaxy).  

When the gas enters a region of higher density, it gets compressed, resulting in an 
enhanced star formation rate. Only very few young stars are found outside of the 

spiral arms!



credit: 
Philip 

Hopkinshttp://www.tapir.caltech.edu/~phopkins/Site/mwflr6_stars_c.mp4

What about elliptical galaxies?

http://www.tapir.caltech.edu/~phopkins/Site/mwflr6_stars_c.mp4


Hubble Space Telescope



Hubble’s “tuning fork” (Lecture 1)



Essential ingredients for galaxy evolution
stellar evolutionstructure evolution

Stars evolve: they are born from the ISM, age, 
shed envelopes or explode, enriching the ISM, 

more stars are born, etc. The reservoir of gas out 
of which stars can collapse also changes.

Haloes merge hierarchically to create 
bigger haloes

Hirschmann et al. 2013



Stellar Population Synthesis Models

We can synthesize predicted galaxy spectra 
as a function of time by assuming the 

following: 
– Star formation rate as a function of time 
– Initial mass function of stars 
– Libraries of stellar spectra for stars of 
different masses, metallicities and ages, etc. 
– Stellar evolutionary tracks (isochrones)

Stellar Population Synthesis Models!
    We can synthesize predicted 

galaxy spectra as a function 
of time by assuming the 
following:!
– Star formation rate as a 

function of time!

–  Initial mass function of 
stars!

– Libraries of stellar spectra 
for stars of different 
masses, metallicities and 
ages, etc.!

– Stellar evolutionary tracks 
(isochrones)!

B-V!

MV!

Salpeter (1955) was the first to quantify the IMF by 
using stars in the Solar neighbourhood. Several 

updates were later published, mainly at low mass.



Stellar evolution key points: 
– Massive stars are very hot, blue, very luminous, and have very short lives; they 
dominate the rest-frame UV light 
!
Star formation histories are a key assumption of modelling the evolution of stellar 
populations: 
– Spirals are best fit by a slowly declining or nearly constant star formation – they stay 
bluer and don’t fade as much

– Ellipticals are best fit by a burst of 
early star formation followed by a 
relatively “passive evolution” where 
they fade and get redder quickly. 
Presumably, the mergers destroy the 
gas or speed up its conversion into 
stars.



892 K. Schawinski et al.

3.1.1 The colour–mass diagram

The observed u − r colour–mass diagrams of galaxies by morphol-
ogy at z ∼ 0 are shown in Fig. 2. Contours in each panel show
the linear density of galaxies and green lines indicate the location
of the green valley, defined from the all-galaxy panel at the upper
left. The right-hand panels show only early types (top) or late types
(bottom). These colour–mass diagrams, which constitute one of the
two main starting points of our analysis, lead us to the following
two important findings.

(i) Both early- and late-type galaxies span almost the entire u − r
colour range, that is, the classification by morphology reveals pop-
ulations of blue early-type galaxies and of red late-type galaxies
(e.g. Schawinski et al. 2009a; Masters et al. 2010b).

(ii) The green valley appears as a dip between bimodal colours
only in the all-galaxies panel; within a given morphological class,
there is no green valley, just a gradual decline in number den-
sity. Most early types lie in the red sequence with a long tail of
∼10 per cent of the population reaching the blue cloud, which could
represent a population in rapid transition, commensurate with the
original idea of the green valley as a transition zone. The late-type
galaxies, however, do not separate into a blue cloud and a red se-
quence, but rather form a continuous population ranging from blue
to red without a gap or valley in between.

The traditional interpretation (and visual impression) from the all-
galaxies diagram – that blue star-forming galaxies evolve smoothly

and quickly across the green valley to the red sequence – changes
when viewed as a function of morphology.

Specifically, the impression of bimodality in the all-galaxies
colour–mass diagram depends on the superposition of two separate
populations: late types that are mostly in the blue cloud, decreasing
smoothly all the way to the red sequence, and early types, a few of
whose colours reach all the way to the blue cloud. Consideration
of the indeterminate morphology galaxies (see Section 3.4) actu-
ally strengthens this conclusion, as they are mostly blue discs with
prominent red bulges, hence the green colours.

The blue late-type galaxies, in particular, show no signs of rapid
transition to the red sequence; indeed, they must take a very long
time to reach the red sequence (Section 3.3). The early types do
appear to transition quickly across the green valley, in that there are
few of them with green colours and even fewer with blue colours.
This suggests the bluest early types might have been produced by
major mergers of late types.

The demographics of galaxies by colour and morphology in
Table 1 make the point about evolutionary time-scale very clearly
(for the moment ignoring changes from one morphology into the
other): early types spend most of their time on the red sequence,
while late types remain in the blue cloud for most of their lifetimes.

3.1.2 The extinction-corrected colour–mass diagram

Dust extinction reddens galaxies, and significant reddening from
blue to red has been reported for high-redshift galaxies (e.g.

Figure 2. The u − r colour–mass diagram for our sample. In the top left, we show all galaxies, whereas on the right, we show the early-type (top) and late-type
galaxies (bottom); green lines show the green valley defined by the all-galaxy diagram. This figure illustrates two important findings: (1) Both early- and
late-type galaxies span almost the entire u − r colour range. Visible in the morphology-sorted plots are small numbers of blue early-type (top) and red late-type
(bottom) galaxies (e.g. Schawinski et al. 2009a; Masters et al. 2010b). (2) The green valley is a well-defined location only in the all-galaxies panel (upper left).
Most early-type galaxies occupy the red sequence, with a long tail (10 per cent by number) to the blue cloud at relatively low masses; this could represent blue
galaxies transiting rapidly through the green valley to the red sequence. More strikingly, the late types form a single, unimodal distribution peaking in the blue
(these are the main-sequence star formers) and reaching all the way to the red sequence, at higher masses, with no sign of a green valley (in the sense of a
colour bimodality). The contours on this figure are linear and scaled to the highest value in each panel.

MNRAS 440, 889–907 (2014)
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Colour–mass diagram from the Galaxy Zoo project

Schawinski et al. 2014

red 
sequence

blue 
cloud

elliptical galaxies are more 
massive (because they 

evolve from mergers) and 
redder (passive evolution)



Spatial distribution of different galaxy types

Recall (Lecture III) two-point correlation 
function defined as an “excess 

probability” of finding another galaxy at a 
distance r from some galaxy, relative to a 

uniform random distribution. 
!

Indeed, redder galaxies are more 
clustered than blue galaxies!

from 2dF survey

Zehavi et al. 2002

If elliptical galaxies are formed through mergers, then they should form 
primarily in the denser parts of the universe, where the mergers are more 

frequent — elliptical galaxies should be more clustered!

Red sequence is often used to search for 
clusters of galaxies in optical light!



Environmental effects on galaxy properties

Besides galaxy mergers, other more subtle effects can alter galaxy 
properties:

Harassment: when two galaxies fly by at high speed (without merging), it 
is impulsively heated 

Stripping: when a galaxy flies through the intra-cluster medium at high 
speed, its gas is removed by ram-pressure 

Strangulation: the galaxy does not lose all its gas initially by ram 
pressure; it keeps forming stars in the centre for a while but then star 

formation shuts off because there is no source of new gas 

Cannibalism: through dynamical friction, a galaxy’s orbit shrinks in 
time; it may sink to the center and merge with the central galaxy.
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Figure 6. Top: A simple prediction for the total luminosity function of galactic
systems (solid line) compared with the group luminosity function estimated from the
2PIGG catalogue by Eke et al. (2006). The halo mass function of Jenkins et al. (2001)
has been converted into a group luminosity function by assuming a constant mass
to light ratio for each halo. Bottom: The mass-to-light ratio required to match the
observed group luminosity function is plotted in the right hand panel. Note that the
strength of the up-turn below M ∼ 1012h−1M⊙ is affected by systematic errors in the
determination of the total luminosity of groups in the 2dFGRS.

2.3. A simple model: Is this all we need?

Now that we have specified a cosmological model and can compute the abundance of

dark matter haloes, we are in a position to make a very simple model of galaxy formation.
This naive calculation will serve to reveal some basic facts about how the efficiency of

galaxy formation must depend upon the mass of dark matter halo. The shortcomings

of this toy model will motivate the more physical (and complicated) modelling that is

the focus of this review.

The first calculation that we can do is to take each dark matter halo and assign

to it a luminosity that scales linearly with the mass of the halo. Thus, each halo is
given a fixed mass to light ratio. Note that we have not made any assumption about

how this light is distributed between galaxies within the halo. We can compare this

prediction with the abundance of galaxy groups as a function of their total luminosity.

This quantity was measured recently for galaxy groups extracted from the two-degree

field galaxy redshift survey by Eke et al. (2004a,b). The comparison is shown in

Fig. 6. A fixed mass-to-light ratio (∼ 80hM⊙/L⊙) was chosen such that haloes of mass
≈ 1012h−1M⊙ match the break in the observed group luminosity function. We can see

that this simple prediction gives a poor match to the observed luminosity function of

groups. The predicted group luminosity function simply has the wrong shape, with too

many faint groups and too many bright groups. Thus, if we are to retain the otherwise

highly successful background ΛCDM cosmology, our assumption of a mass to light ratio

Baugh 2006

Haloes of different mass have 
different efficiencies of 

converting gas into stars! Why?
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Stellar/supernova feedback

M82

Very shortly after star formation sets in, the most massive stars undergo a core-collapse 
supernova; the mechanical energy is partly transferred to the gas surrounding the 

explosion, heating it and delaying it from forming stars.  
!

In some cases (especially if the galaxy’s mass is small), the gas from the disk may get so 
much energy that it is blown out into the halo (and produce a hot corona), so it will never 

form stars. 
!

Number of SNe depends on initial mass function. How much energy is converted into 
heat vs. kinetic energy is still unclear.



Cosmic history of star formation and chemical enrichment

https://ned.ipac.caltech.edu/level5/March14/
Madau/Madau5.html

The star formation rate (and thus 
supernova explosion feedback) 

peaked around redshifts of 2—3.
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Figure 9. The cooling rate plotted as a function of the virial temperature of the hot
halo gas. The equivalent circular velocity of the halo is indicated on the top axis. The
different curves show how the cooling rate depends upon the metallicity of the gas, as
indicated by the key.

until either all of the hot gas halo has cooled, or a merger with another halo results in

the formation of a new halo.

Gas can cool via a number of mechanisms (see, for example, the discussion in
Kauffmann & White 1994). The relative importance of the various mechanisms depends

upon the conditions in the universe at the time the gas is cooling and the temperature

of the gas. The cooling channels are: (i) Inverse Compton scattering of CMB photons

by electrons in the hot halo gas. The time for gas to cool via inverse compton scattering

exceeds the age of the universe for redshifts z < 10 (Rees & Ostriker 1977), so this

process is only important in the very early universe (see Fig 2). (ii) The excitation
of rotational or vibrational energy levels in molecular hydrogen through collisions.

The subsequent decay of these levels removes energy from the gas, allowing it to

cool. This channel is important in haloes with virial temperatures (see Eq. 1) below

T ∼ 104K (see e.g. Figure 12 in Barkana & Loeb 2001). (iii) Emission of photons

following transitions between energy levels. Collisions between partially ionised atoms

and electrons excite the atoms to higher energy levels. The gas cools when the excited
level decays radiatively. This process is important for haloes with intermediate virial

temperatures (i.e. 104K < T < 106K). (iv) Bremsstrahlung radiation as electrons are

accelerated in an ionized plasma. This the dominant emission mechanism in massive

clusters (T ∼ 107K).

As stars explode as supernovae, 
they also pollute their environment 

with metals which changes the 
cooling function dramatically 

(depending how many metals are 
retained in the disk vs. blown out!). 

Supernovae mostly inhibit but can also promote 
star formation - detailed semi-analytical modelling 
included in modern simulations to account for this!

https://ned.ipac.caltech.edu/level5/March14/Madau/Madau5.html
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Figure 6. Top: A simple prediction for the total luminosity function of galactic
systems (solid line) compared with the group luminosity function estimated from the
2PIGG catalogue by Eke et al. (2006). The halo mass function of Jenkins et al. (2001)
has been converted into a group luminosity function by assuming a constant mass
to light ratio for each halo. Bottom: The mass-to-light ratio required to match the
observed group luminosity function is plotted in the right hand panel. Note that the
strength of the up-turn below M ∼ 1012h−1M⊙ is affected by systematic errors in the
determination of the total luminosity of groups in the 2dFGRS.

2.3. A simple model: Is this all we need?

Now that we have specified a cosmological model and can compute the abundance of

dark matter haloes, we are in a position to make a very simple model of galaxy formation.
This naive calculation will serve to reveal some basic facts about how the efficiency of

galaxy formation must depend upon the mass of dark matter halo. The shortcomings

of this toy model will motivate the more physical (and complicated) modelling that is

the focus of this review.

The first calculation that we can do is to take each dark matter halo and assign

to it a luminosity that scales linearly with the mass of the halo. Thus, each halo is
given a fixed mass to light ratio. Note that we have not made any assumption about

how this light is distributed between galaxies within the halo. We can compare this

prediction with the abundance of galaxy groups as a function of their total luminosity.

This quantity was measured recently for galaxy groups extracted from the two-degree

field galaxy redshift survey by Eke et al. (2004a,b). The comparison is shown in

Fig. 6. A fixed mass-to-light ratio (∼ 80hM⊙/L⊙) was chosen such that haloes of mass
≈ 1012h−1M⊙ match the break in the observed group luminosity function. We can see

that this simple prediction gives a poor match to the observed luminosity function of

groups. The predicted group luminosity function simply has the wrong shape, with too

many faint groups and too many bright groups. Thus, if we are to retain the otherwise

highly successful background ΛCDM cosmology, our assumption of a mass to light ratio

What about the high-mass end? 
Let’s look at the most massive galaxies in the Universe!

Most massive galaxies 
in the recent Universe 
are at the centres of 
clusters of galaxies

Optical image of Abell 2029



The cooling flow problem in clusters of galaxies
Intra-cluster gas cools radiatively by emitting X-rays. The cooling time can be calculated 

as the internal (thermal) energy per unit volume u, divided by the X-ray luminosity L 
(energy lost per second per unit volume).
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For most of the cluster volume, this is much  longer than the Hubble 
time, except in the very centre of some clusters which have a very 
peaked surface brightness (high density). These are called “cool 

core” clusters and they all have a brightest cluster galaxy in the 
center. Here, unless there is any source that can replenish the heat 
lost through radiation, enormous amounts of gas should cool out of 

the X-ray phase and form stars, at a rate  
Ṁ~Lρ/u, typically 10s—100s of Msun/yr! (in A2029: Ṁ~56Msun/yr) 



There are two significant residuals that should be noted.
The long-wavelength region of the spectrum is not perfectly
fitted. We believe this is due to errors in the effective area
calibration, imperfect background modeling, and spatially
broadened (!3 Å) emission lines of O viii, O vii, N vii, and
C vi emission lines from the diffuse soft X-ray background
(see McCammon et al. 2002). These discrepancies have a

minimal effect on our conclusions about the temperature
distribution, however, since those rely primarily on the Fe L
region. Another problem is evident in the detailed line fitting
of the spectrum of NGC 533. This is probably due to an
underprediction of the 2p–3s lines of Fe xvii and Fe xviii (at
16 and 17 Å, respectively). There is a known problem with
the excitation rates for these transitions (Beiersdorfer et al.

Fig. 4.—Comparison of the data (blue) with 1 ! error bars, the empirical best fit model (red ), and the standard cooling-flow model (green). Both the model
and the data are fluxed and background-subtracted. The cooling-flowmodel is not a best fit, but calculated bymerely taking the soft X-ray flux in the empirical
model and using the standard isobaric temperature distribution. Evident in all spectra is the severe overprediction of emission lines from the lowest
temperatures.
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Such a high star formation rate is not seen in optical images of cool core cluster BCGs. 
!

Something is preventing the gas from cooling and adding new stars to the most massive 
galaxies in the Universe!

Blue: Chandra X-ray image of 
the core of Hydra A



Something is preventing the gas from cooling and adding new stars to the 
most massive galaxies in the Universe!

Blue: Chandra X-ray image of the core of Hydra A 
Red: radio emission from relativistic plasma

radio synchrotron emission

The supermassive black 
hole at the center of the 

galaxy is injecting relativistic 
plasma that disturbs the X-

ray gas!



M87 / Virgo

MS0735.6+7421

Hydra A

Cygnus A



Credit: F. Owen

Relativistic radio lobes in M87



Active Galactic Nucleus (AGN) feedback cycle in cool core clusters

X-ray gas cools, flows to the 
centre, and some of it 

accretes onto the black hole

black hole becomes active, 
launches jets and disturbs 
and heats the X-ray gas 

cooling slows down, less 
gas is being accreted onto 
the black hole, ending the 

outburst

shocks turbulence

gas displacement“something the size of a grape is heating a 
sphere the size of the whole Earth!”

this cycle influences both the 
mass of the black hole and the 

mass of the host galaxy



Numerical simulation of AGN feedback in a galaxy cluster

credit: 
Yuan Li 

Black hole jets triggered whenever cold gas (T<3e4 K) falls into “the central SMBH” 
(estimate accretion rate based on cold mass within central cubic kpc)



Serial outbursts in NGC5813

Are the effects of black hole feedback  
limited to BCGs?



Supermassive black holes play a very important role in the 
evolution of massive galaxies!

Magorrian et al. 1998, from kinematics analysis 
of HST data

Galaxies and their central 
supermassive black holes grew 

up together!

FIG. 7.ÈContinued

FIG. 8.ÈCorrelations (a) between V -band stellar mass-to-light ratio ! and bulge luminosity L and (b) between MDO mass and produced byM
a

M
bulgeour models. The Ðlled and open circles plot power-law and core galaxies, respectively. The error bars give the 68% conÐdence intervals on ! and TheM

a
.

solid lines plot and as described in the text (eqs. and!
fit

M
a ,fit

[10] [11]).

This is true for all galaxies, 
not just BCGs!



Supermassive black hole feedback modes

radio-mechanical mode#
low accretion rate 

relatively low luminosity of central engine 
most energy goes into the radio lobes

quasar mode#
high accretion rate 

high luminosity of central engine 
most energy goes into fast winds



Quasar mode feedback

 

 

 

 

 

Blue-shifted Fe XXV Heα in Suzaku spectrum 
of IRAS F11119+3257 suggests outflow near 
black hole of 0.3c.

Herschel spectrum of same object shows 
molecular winds of 1000km/s on much larger 
scales, consistent with energy-conserving 
flow driven by black hole (red stars). 
Disk winds of other quasars shown in blue, 
molecular outflows of other ULIRGs shown in 
green (OH) and black (CO).

 

 

 

Tombesi et al. 2015



Evolution of black hole accretion rate

Delvecchio et al. 2014

Eddington luminosity: #
For matter to be able to fall into the black hole, the outward pressure due to radiation must 
be smaller than the gravitational force. Electrons and protons are electromagnetically 
coupled; per electron-proton pair,

Both the star formation rate and 
the black hole accretion rate 
peaked around z=2—3!  
This was a very important epoch 
in galaxy evolution.
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Eddington accretion rate: #
if the conversion of infalling mass into energy has efficiency ε, ṁEdd=LEdd/εc2

Quasar mode was most important 
at early times (10-12 Gyr ago); 
Radio-mechanical mode at late 

times (last several Gyr)
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Putting everything together

Gas cooling and photo-ionization: the cooling function is calculated as a function of 
gas density, temperature, metallicity, UV radiation field, and AGN radiation field.  
Star formation and ISM model: subgrid model for the ISM puts dense gas above 0.13 
particles per cubic cm on an effective equation of state, assuming a two-phase medium 
of cold clouds embedded in a tenuous, hot phase. Star formation occurs stochastically 
following the KS-law and with a Chabrier IMF. 
Stellar evolution: stellar populations return mass to the gas phase through stellar winds 
and supernova. The simulation tracks the rates associated with SN Ia, SN II, and AGB 
stars. 
Stellar feedback: a kinetic stellar feedback scheme generates a wind with velocity 
scaled to the local DM dispersion, and mass loading inferred from the available SN 
energy. 

Ingredients of the galaxy formation model included in the  
Illustris simulation

Black holes and SMBH feedback: new BHs with a mass of 105 
solar masses seeded in all FoF groups which become more massive 
than 7x1010 solar masses. The feedback of SMBHs includes both 
quasar-mode and radio-mode regimes, and a consideration of the 
radiation field of AGNs, which heats surrounding halo gas, 
modifying its ionization state and net cooling rate.





28 M. Vogelsberger et al.

Figure 13. SDSS-band luminosity (g, r, i, z) functions for our simulated galaxy population (different feedback models). We compare to observational double
Schechter-fits taken from Blanton et al. (2005). Our fiducial model reproduces the observational fit reasonably well. Models with faster winds clearly give the
poorest agreement. Weakening the radio-mode AGN feedback leads to a significant overshoot of the luminosity function at the bright end. “Weaker winds” lead
to an overproduction of faint galaxies. The “no feedback” simulation clearly fails dramatically in reproducing the observed luminosity function. Interestingly,
a model with a higher radio-mode threshold leads to a better agreement for the bright end in all bands.

enriched disk gas into the halo, are very efficient at mixing metals.
Thus, when we use a “weaker wind” prescription we find that the
average metal content of the central dense galaxy gas goes up. On
the other hand, if we employ “stronger winds” we find that the av-
erage metal content goes down. The need to regulate the growth
of low mass galaxies successfully while at the same time avoid-
ing overly depleting galaxies of their metal content prompted us to
implement a specific wind metal loading, as described above. We
note that variations in the AGN radio-mode alone are not able to
remove the metallicity tension at the high mass end. Most of the
simulations overshoot the amount of metals in massive galaxies by
0.3� 0.5 dex.

4.2.8 Luminosity function

We can use the stellar population synthesis models described above
to derive luminosities of individual galaxies in various bands. We
here confront the resulting galaxy luminosity functions with SDSS
observations. We note that we neglect the impact of dust attenua-
tion, and simply define the luminosity of each galaxy as the sum of
the luminosities of all its star particles. In Figure 12 we show the g-,
r-, i-, and z-band luminosities (other bands are compared to obser-
vations in Torrey et al. (2013); there we also include a crude model

© 0000 RAS, MNRAS 000, 000–000
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Figure 6. Cosmic SFR density as a function of redshift (left panel: resolution study; right panel: different feedback models). Observational data is taken
from Hopkins & Beacom (2006a) and Behroozi et al. (2013). The left panel demonstrates that the overall shape of the SFR evolution is well converged,
with a minor normalisation change toward higher SFRs with increasing resolution, but the peak location does not change with resolution. Doubling the wind
velocity (“faster winds”) leads to a strong suppression of the overall star formation rate. Increasing the overall wind energy (“stronger winds”) leads to a clear
overproduction of stars at late times. Variations in the AGN radio-mode feedback do not change the SFR density nearly as much as changes in the stellar
feedback. Stronger radio-mode feedback leads to less star formation at late times. The same is true for an increased radio mode threshold, where more AGN
feedback energy is channelled into the radio-mode. Since this mode is more bursty, it is more efficient at reducing star formation compared to the continuous
quasar-mode AGN feedback, which mainly regulates the growth of BHs.

highest resolution runs is . 1.5, which we consider to be reason-
ably well converged. The overall shape of the cosmic SFR density
is largely determined by stellar feedback at high redshifts and radio-
mode AGN feedback towards lower redshifts. We find that the rapid
decline of the SFR towards lower redshifts can only be achieved
through strong radio-mode AGN feedback (see also Schaye et al.
2010; van de Voort et al. 2011; Bower et al. 2012, for example).
In fact, in the absence of AGN feedback, but with the addition of
stellar feedback, the cosmic SFR density would continue to rise be-
yond z = 0, since gas recycling and metal line cooling can support
a large amount of star formation at late times (see also Schaye et al.
2010). We note in particular that the location of the peak of the
SFR density does not change significantly with numerical resolu-
tion. The intermediate resolution run L25n256 is already sufficient
to give a reasonably reliable estimate of the SFR in our simulation
volume. We can hence study the effects of different physics param-
eterisations by running simulations at this intermediate resolution,
as listed in Table 2.

The comparison among these different feedback models is
shown in the right panel of Figure 6. Our fiducial model (L25n256)
provides clearly the best match to the observational data compared
to any of the other model variations presented in Table 2. The fig-
ure also highlights that the impact of changes in the wind model
can be rather dramatic. For example, doubling the wind velocity
(“faster winds”) leads to a strong suppression of the overall SFR,
especially at late times. Such fast winds lead to a significant re-
duction of star formation also for massive haloes as we show be-
low (see also Schaye et al. 2010, for a similar finding). Increasing
the overall wind energy (“strong winds”) leads to a clear overpro-

duction of stars at late times, because a very substantial fraction of
the gas that is blown out of galaxies at early times falls back in at
late times – fueling further star formation along a “wind accretion”
channel (see also Oppenheimer et al. 2010). The peak of the SFR
density is also sensitive to the details of the wind and AGN pa-
rameterisation. Interestingly, the changes of the SFR density with
respect to variations in the AGN radio-mode are less dramatic. As
expected, “stronger radio” feedback leads to more efficient suppres-
sion of star formation at late times. Likewise, “weaker radio” mode
feedback increases star formation at late times. Similar trends can
be seen for changes in the radio threshold. A “higher radio thresh-
old” puts more energy into the radio-mode and is therefore more
efficient in suppressing star formation in massive systems at late
times. A “lower radio threshold” on the other hand puts more AGN
feedback energy into the quasar-mode, which is less efficient in
suppressing star formation. Consequently, such a simulation pro-
duces more stars at late times. In fact, we find that quasar-mode
feedback is mainly responsible in establishing the BH scaling re-
lations, but does not significantly affect star formation in massive
systems. The “no feedback” simulation, as expected, strongly over-
produces the amount of stars at all times. However, the peak of the
SFR occurs still at about the right time even for this simulation.

4.2.3 Stellar mass – halo mass relation

The cosmic SFR density can be viewed as a convolution of the
halo mass function and the amount of stars formed in a given halo
(Springel & Hernquist 2003a). It is therefore natural to examine the
average amount of stars formed as a function of halo mass. Over the

© 0000 RAS, MNRAS 000, 000–000

Illustris simulation vs. observational data

Good agreement in general, but details still to be sorted out!

Vogelsberger et al. 2013



Suggested essay topics

(1) how do we search for the highest redshift galaxies? What do 
they look like and what is the most distant one we know? 

How are they different from today’s galaxies? 
!

(2) what do we know about how supermassive black holes 
launch jets? Where we can resolve the collimated jets, what 

are their radio, optical, and X-ray properties and what can we 
learn about the jet physics from these observations? How 

can we measure black hole spins?


